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• Origins of PeV CRs are unknown 

• Tibet ASγ detected sub-PeV γ rays from Galactic plane 

• LHAASO detected diffuse γ-rays in 0.01 - 1 PeV 

• IceCube detected neutrinos from Galactic plane 

• Strong evidence of Galactic PeVatron

Galactic PeVatrons
2

best-fit Nishimura-Kamata-Greisen (NKG) function [20].
The energy resolutions with S50 are roughly estimated to
be 20% and 10% for 100 and 400 TeV, respectively. The
absolute energy scale uncertainty was estimated to be 12%
from thewestwarddisplacement of theMoon’s shadowcenter
due to the geomagnetic field [21]. The live time of the dataset
is 719 days fromFebruary 2014 toMay 2017, and the average
effective detection time for the Galactic plane observation is
approximately 3700 h at the zenith angle less than 40°. The
data selection criteria are the same in our previous work [12]
except for the muon cut condition. According to the CASA-
MIA experiment, the marginal excess along the Galactic
plane in the sub-PeV energies is 1.63 σ, and the fraction of
excess to cosmic-ray background events is estimated to be
approximately 3 × 10−5 [18]. In order to search for signals
with such a small excess fraction,we adopt a tightmuon cut in
the present analyses requiring for gamma-ray-like events to
satisfyΣNμ < 2.1 × 10−4 ðΣρÞ1.2 or ΣNμ < 0.4, where ΣNμ

is the total number of muons detected in the underground
muon detector array. This is just one order of magnitude
tighter than the criterion used in our previous work [12]. The
cosmic-ray survival ratio with this tight muon cut is exper-
imentally estimated to be approximately 10−6 above 400TeV,
while the gamma-ray survival ratio is estimated to be 30% by
the MC simulation. The comparison between the cosmic-ray
data and the MC simulation is described in Fig. S1 in
Supplemental Material [22].
Results and discussion.—Figure 1 shows arrival direc-

tions of gamma-ray-like events in (a) 100ð¼102.0Þ < E <
158ð¼102.2Þ TeV, (b) 158ð¼102.2Þ<E<398ð¼102.6ÞTeV,
and (c) 398ð¼102.6Þ < E < 1000ð¼103.0Þ TeV, remaining
after the tight muon cut. It is seen that the observed arrival
directions concentrate in a region along the Galactic plane
(see also Fig. 2). Particularly in Fig. 1(c), 23 gamma-ray-
like events are observed in jbj < 10° which we define as the
on region (NON ¼ 23), while only ten events are observed
in jbj > 20° which we define as the off region (NOFF ¼ 10).
Since the total number of events before the tight muon cut
is 8.6 × 106, the cosmic-ray survival ratio is estimated to be
1.2 × 10−6 in jbj > 20° above 398 TeV. We use NOFF in
jbj > 20° to estimate the number of cosmic-ray background
events, because the contribution from extragalactic gamma
rays in E > 100 TeV is expected to be strongly suppressed
due to the pair-production interaction with the extragalactic
background light. The mean free path lengths for the pair
production for 100 TeV and 1 PeV are a few megaparsecs
and 10 kpc, respectively [29].
Since the ratio (α) of exposures in on and off regions is

estimated to be 0.27 by the MC simulation with our
geometrical exposure, the expected number of background
events in the on region with jbj < 10° is NBG ¼ αNOFF ¼
2.73, and the Li-Ma significance [30] of the diffuse gamma
rays in the on region is calculated to be 5.9 σ. The number
of events and the significances in each energy bin are
summarized in Table S1 in Supplemental Material [22].

The observed distribution of the number of muons for
E > 398 TeV after the muon cut is consistent with that
estimated from the gamma-ray MC simulation as shown in
Fig. S2 in Supplemental Material [22]. The highest-energy
957ðþ166

−141ÞTeV gamma ray is observed near the Galactic
plane, where the uncertainty in energy is defined as the
quadratic sum of the absolute energy-scale error (12%) and
the energy resolution [12]. Solid circles in Fig. 2 display
NON − NOFF as a function of b in (a) 100 < E < 158 TeV,
(b) 158 < E < 398 TeV, and (c) 398 < E < 1000 TeV.
The concentration of diffuse gamma rays around the
Galactic plane is apparent particularly in Fig. 2.
In order to estimate contribution from the known

gamma-ray sources, we searched for gamma-ray signals

FIG. 1. The arrival direction of each gamma-ray-like event
observed with (a) 100 < E < 158 TeV, (b) 158<E<398TeV,
and (c) 398 < E < 1000 TeV, respectively, in the equatorial
coordinate. The blue solid circles show arrival directions of
gamma-ray-like events observed by the Tibet ASþMD array.
The area of each circle is proportional to the measured energy of
each event. The red plus marks show directions of the known
Galactic TeV sources (including the unidentified sources) listed
in the TeV gamma-ray catalog [9]. The solid curve indicates the
Galactic plane, while the shaded areas indicate the sky regions
outside the field of view of the Tibet ASþMD array.

PHYSICAL REVIEW LETTERS 126, 141101 (2021)

141101-3

Tibet ASγ 2021

5

same background estimation technique to each mock data set,
which yields a distribution of estimated background counts
(No↵

i ) for given energy bin. This distribution can be approxi-
mately described by a Gaussian distribution with width �bkg

i .
The likelihood function in Eq. (1) includes a Poisson term,
representing the statistical probability of the observed number
of events, and a Gaussian term, representing the probability
of the background fluctuation. The flux in each energy bin is
determined by fitting the normalization parameter �0, while
the spectral index is fixed at the best-fit value obtained from
the whole-band fitting.

Results. — The LHAASO-KM2A significance maps of the
two sky regions after masking detected sources are shown in
Fig. 1. The one-dimensional significance distributions are
given in Fig. S2 in the Supplemental Material. As a
comparison, reference regions which are ROIs shifted along
the right ascension (R.A.) in the celestial coordinates show
standard Gaussian distributions of the significance, indicat-
ing that our background estimate is reasonable (Fig. S2 of the
Supplemental Material). The total significance of the in-
ner (outer) Galaxy region is 29.1� (12.7�). No significant
point-like sources are present in the significance maps after
the mask, except for some hot spots, which need more data to
confirm whether they are point-like sources or di↵use emis-
sions. The LHAASO results give the first measurement of
di↵use emission in the outer Galaxy region in the VHE-UHE
domain.

Fig. 2 shows the derived fluxes of the di↵use emission in
the two regions. The fluxex in di↵erent energy bins are tabu-
lated in Tables S2 and S3 of the Supplemental Material).
From Fig. 1 we can see that considerable regions along the in-
nermost Galactic disk are masked for the inner Galaxy region.
Since the expected di↵use emission is non-uniform, the cur-
rent measurements are thus not equivalent to the total average
emission in the ROIs. As an estimate, we find that the aver-
age di↵use emission in the ROIs without any masking will be
higher by ⇠ 61% and ⇠ 2% than our measurements assum-
ing a spatial template of the PLANCK dust opacity map in the
inner and outer Galactic regions, respectively.

We fit the measured spectrum using a power-law function,
finding that the index is �2.99 ± 0.04stat for the inner Galaxy
region and �2.99 ± 0.07stat for the outer Galaxy region (see
Table I). Possible spectral structures deviating from power-
laws are not significant, and more data statistics are needed to
further address such issues.

TABLE I. Fitting parameters of the LHAASO-KM2A di↵use spec-
tra.

�0 ↵

(10�14 TeV�1 cm�2 s�1 sr�1)
Inner Galaxy 1.00 ± 0.04stat ± 0.09sys �2.99 ± 0.04stat ± 0.07sys

Outer Galaxy 0.44 ± 0.04stat ± 0.05sys �2.99 ± 0.07stat ± 0.12sys

In Fig. 3, we present the longitude and latitude profiles for
the two sky regions, for energy bands of 10 � 63 TeV and
63 � 1000 TeV. The latitude integration range when deriving
the longitude profile is from �5� to +5�, and the longitude in-
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FIG. 2. Measured fluxes of di↵use �-ray emission in the inner and
outer Galaxy regions. The smaller error bars show the statistical er-
rors and the larger ones show the quadratic sum of the statistical and
systematic errors. In each panel, the dashed line shows the best-
fit power-law function of the data, the grey shaded band shows the
model prediction assuming local CR spectra and the gas column den-
sity with the same mask as the data, and the cyan shaded band is the
grey one multiplied by a constant factor of 3.0 for the inner region
and 2.0 for the outer region.

tegration ranges for the latitude profiles are the same as the
definitions of the ROIs. The di↵use emission shows a clear
decrease from the inner Galaxy to the outer Galaxy and a con-
centration in the low Galactic latitudes. We fit the latitude
distributions using the gas template traced by the PLANCK
dust opacity map, as shown by the solid line in each panel. In
panels (a) and (d), the longitude profiles of the gas template
with the same normalizations obtained in the latitude profile
fittings are shown. The results show that the measured latitude
distributions generally agree with the gas distribution. We can
see a slight deviation of the data from the gas template for
the longitude distribution, which needs more data for detailed
studies. We thus re-fit the data by adding a Gaussian latitude
distribution centered at b = 0 to the gas template but find only
slight improvements in the goodness-of-fit (see Fig. S3 of the
Supplemental Material).

Systematic uncertainties. — The event rate varies during

LHAASO 2023

as tracks in IceCube. The selection of cascade
events instead of track events therefore reduces
the contamination of atmospheric neutrinos—
by about an order of magnitude at tera–electron
volt energies—and permits the energy thresh-
old of the analysis to be lowered to about 1 TeV.
In the Southern sky, the lower background,

better energy resolution, and lower energy
threshold of cascade events compensate for
their inferior angular resolution, compared
with those of tracks. This is particularly true for
searches for emission from extended objects,
such as the Galactic plane, for which the size
of the emitting region is larger than (or similar
to) the angular resolution. Compared with
track-based searches, cascade-based analyses
are more reliant on the signal purity and less
on the angular resolution of individual events.
We therefore expect analyses based on cascades
to have substantially better sensitivity to ex-
tended neutrino emission in the tera–electron
volt energy range from the Southern sky.

Application of deep learning to cascade events

To identify and reconstruct cascade events in
IceCube, we used tools based on deep learn-
ing. These tools are designed to reject the

overwhelming background from atmospheric
muon events, then to identify the energies and
directions of the neutrinos that generated the
cascade events. IceCube observes events at a
rate of about about 2.7 kHz (18), arisingmostly
from background events (atmospheric muons
and atmospheric neutrinos) that outnumber
signal events (astrophysical neutrinos) at a
ratio of roughly 108:1. To search for neutrino
sources, event selection was required to im-
prove the signal purity by orders of magnitude.
Previously used event selections for cascade

events (22, 26, 27) relied on high-level observ-
ables, such as the event location within the
IceCube volumeand totalmeasured light levels,
to reduce the initial data rate. In subsequent
selection steps, more computing-intensive se-
lection strategies were performed, such as the
definition of veto regions within the detector,
to further reject events identified as incoming
muons. We adopted a different approach,
using tools based on convolutional neural net-
works (CNNs) (15, 28) to perform event selec-
tions. The high inference speed of the neural
networks (milliseconds per event) allowed us
to use a more complex filtering strategy at
earlier stages of the event selection pipeline.

This retains more low-energy astrophysical
neutrino events (Fig. 2) and includes cascade
events that are difficult to reconstruct and dis-
tinguish from background because of their lo-
cation at the boundaries of the instrumented
volume or in regions of the ice with degraded
optical clarity (from higher concentrations of
impurities in the ice).
After the selection of events, we refined

event properties, such as the direction of the
incoming neutrino and deposited energy, using
the patterns of deposited light in the detector.
The likelihood of the observed light pattern
under a given event hypothesis was maximized
to determine the event properties that best
describe the data. For this purpose, we used
a hybrid reconstruction method (16, 17) that
combines a maximum likelihood estimation
with deep learning. In this approach, we used
a neural network (NN) to parameterize the
relationship between the event hypothesis
and expected light yield in the detector. This
smoothly approximates a (more computation-
ally expensive) Monte Carlo simulation while
avoiding the simplifications that limit other
reconstruction methods (19, 29). Starting with
an event hypothesis, theNNmodels the photon
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Fig. 1. The plane of the Milky Way Galaxy in photons and neutrinos. (A) to
(E) are in Galactic coordinates, with the origin being at the Galactic Center,
extending ±15° in latitude and ±180° in longitude. (A) Optical color image (39),
which is partly obscured by clouds of gas and dust that absorb optical photons.
[Credit: A. Mellinger, used with permission.] (B) The integrated flux in gamma
rays from the Fermi Large Area Telescope (Fermi-LAT) 12-year survey (40)
at energies greater than 1 GeV, obtained from the Fermi Science Support Center
and processed with the Fermi-LAT ScienceTools. (C) The emission template
calculated for the expected neutrino flux, derived from the p0 template that

matches the Fermi-LAT observations of the diffuse gamma-ray emission (1).
(D) The emission template from (C), after including the detector sensitivity to
cascade-like neutrino events and the angular uncertainty of a typical signal event
(7°, indicated by the dotted white circle). Contours indicate the central regions
that contain 20 and 50% of the predicted diffuse neutrino emission signal.
(E) The pretrial significance of the IceCube neutrino observations, calculated
from the all-sky scan for point-like sources by using the cascade neutrino event
sample. Contours are the same as in (D). Gray lines in (C) to (E) indicate the
northern-southern sky horizon at the IceCube detector.
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• γ-rays from majority of SNRs have break or cutoff around 1 - 10 TeV 

• Some SNRs are identified as PeVatrons 

• But many have soft spectra at 100 TeV 

• It is unclear whether SNR can provide  
sufficient PeV CRs observed at Earth 

• Are there other PeVatrons in our Galaxy?

Eγ ∼

SNR as origin of PeV cosmic rays?
3

A cut-off in the Cas A spectrum 2959

Figure 1. Spectral energy distribution measured by the MAGIC telescopes
(black dots) and Fermi (blue squares). The red solid line shows the result of
fitting the MAGIC spectrum with equation (1). The black solid line is the
broken power-law fit applied to the Fermi spectrum.

3 R ESULTS

Fig. 1 shows the reconstructed SED obtained with the MAGIC tele-
scopes (black solid points). Red solid line is the curve obtained that
best fits the MAGIC data assuming a power law with an exponential
cut-off (EPWL):

dN

dE
= N0

(
E

E0

)−!

exp
(

− E

Ec

)
(1)

with a normalization constant N0 = (1.1 ± 0.1stat ± 0.2sys) ×
10−11 TeV−1 cm−2 s−1 at a normalization energy E0 = 433 GeV,
a spectral index ! = 2.4 ± 0.1stat ± 0.2sys and a cut-off energy
Ec = 3.5(+1.6

−1.0)stat(+0.8
−0.9)sys TeV. The spectral parameters of the tested

models θ = {N0, !, Ec} are obtained via a maximum likelihood
approach. The data inputs are the numbers of recorded events (after
background suppression cuts) in each bin of estimated energy Ei

est,
both in the source direction (NON

i ) and in the three OFF regions
(NOFF

i ). An additional set of nuisance parameters µi for modelling
the background are also optimized in the likelihood calculation. In
each step of the maximization procedure, the expected number of
gammas in a given bin of estimated energy (Eest) is calculated by
folding the gamma spectrum with the MAGIC telescopes response
(energy-dependent effective area and energy migration matrix). The
background nuisance parameters and the statistical uncertainties in
the telescopes response are treated as explained in Rolke et al.
(2005).

The probability of the EPWL fit is 0.42. We tested the model
against the null hypothesis of no cut-off, which is described with a
pure power law (PWL). The probability of the PWL fit is 6 × 10−4.
A likelihood ratio test between the two tested models favours the
one that includes a cut-off at ∼3.5 TeV with 4.6σ significance.

Fig. 2 compares the fit residuals for the two tested models: PWL
and EPWL. The residuals are here defined as Nobs

ON/N
exp
ON − 1, where

Nobs
ON is the number of observed events (including background) in

the ON region and N
exp
ON is the number of events predicted by the fit

in the same region. All the bins in estimated energy which contain
events are used in the fits, but only those with 2σ significance
gamma-ray excess are shown as SED points in the upper panel of
Fig. 1.

The systematic uncertainty due to an eventual mismatch on the
absolute energy scale between MAGIC data and Monte Carlo (MC)

Figure 2. Relative fit residuals for the two tested models fitting the MAGIC
spectrum: power law with an exponential cut-off (EPWL, upper panel) and
power law (PWL, lower panel). The error bars are calculated such that they
correspond to the total contribution of each estimated energy bin to the final
likelihood of the fit.

simulations was constrained to be below 15 per cent in Aleksić et al.
(2016). By conservatively modifying the absolute calibration of the
telescopes by ±15 per cent, and re-doing the whole analysis, we
can evaluate the effect of this systematic uncertainty in the esti-
mated source spectrum. This does not produce a simple shift of
the spectrum along the energy axis, but also changes its hardness.
Even in the unlikely scenario in which, through the 158 h of ob-
servations, the average Cherenkov light yield was overestimated by
15 per cent relative to the MC, by applying the corresponding cor-
rection the resulting spectrum is still better fit by an EPWL at the
level of 3.1σ . Also, in the unlikely scenario in which the light yield
was underestimated, the EPWL is preferred over the PWL at the
6.5σ level. The systematic uncertainties in the flux normalization
and spectral index were retrieved from the publication reporting the
performance of the MAGIC telescopes during moonlight (MAGIC
Collaboration 2017). The systematic errors in the cut-off energy
were estimated from the values of Ec obtained when modifying the
absolute light scale by ±15 per cent.

For the Fermi-LAT analysis, a broken power-law function with
normalization No = (8.0 ± 0.4) × 10−12 MeV−1 cm−2 s−1 and in-
dices !1 = 0.90 ± 0.08 and !2 = 2.37 ± 0.04 is obtained and shown
in Fig. 1 as blue solid squares. The light grey shaded area shows
the statistical errors of the obtained broken power-law fit whereas
the dark one marks the uncertainty coming from the imperfect-
ness in the Galactic diffuse emission modelling, dominating the
Cas A flux uncertainties at low energies. The latter was obtained by
modifying the galactic diffuse flux by ±6 per cent. Note that the sys-
tematic error due to the diffuse background is greatly reduced above
300 MeV.

4 D ISCUSSION

MAGIC observations of the youngest GeV- and TeV-bright known
SNR have allowed us to obtain the most precise spectrum of Cas A
to date, extending previous results obtained with Cherenkov instru-
ments up to ∼10 TeV. In the MAGIC energy range, the spectrum
is best fitted with a power law with an exponential cut-off function
with an index of ∼2.4 and an energy cut-off at Ec ∼ 3.5 TeV. These
findings provide a crucial insight into the acceleration processes in
one of the most prominent non-thermal objects in our Galaxy.

We also analysed more than 8 yr of LAT data and obtained
a spectrum that confirms the one by Yuan et al. (2013). Below

MNRAS 472, 2956–2962 (2017)Downloaded from https://academic.oup.com/mnras/article-abstract/472/3/2956/4082233
by Sapienza Università di Roma user
on 04 July 2018

Cas A

MAGIC 2017



• LHAASO discovered sources in Eγ > 100 TeV 
without detecting γ-rays  for  Eγ < 25 TeV  

• These objects are named “dark” sources 

• What is the origins of the “dark” sources detected by LHAASO?

New class of UHE γ-ray sources?
4
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Table 1. 1LHAASO source catalog

Source name Components ↵2000 �2000 �p,95,stat r39 TS N0 � TS100 Asso.(Sep.[�])

1LHAASO J0007+5659u KM2A 1.86 57.00 0.12 <0.18 86.5 0.33±0.05 3.10±0.20 43.6

WCDA <0.27

1LHAASO J0007+7303u KM2A 1.91 73.07 0.07 0.17±0.03 361.0 3.41±0.27 3.40±0.12 171.6 CTA 1 (0.12)

WCDA 1.48 73.15 0.10 <0.22 141.6 5.01±1.11 2.74±0.11

1LHAASO J0056+6346u KM2A 14.10 63.77 0.08 0.24±0.03 380.2 1.47±0.10 3.33±0.10 94.1

WCDA 13.78 63.96 0.15 0.33±0.07 106.1 1.45±0.41 2.35±0.13

1LHAASO J0206+4302u KM2A 31.70 43.05 0.13 <0.27 96.0 0.24±0.03 2.62±0.16 82.8

WCDA <0.09

1LHAASO J0212+4254u KM2A 33.01 42.91 0.20 <0.31 38.4 0.12±0.03 2.45±0.23 30.2

WCDA <0.07

1LHAASO J0216+4237u KM2A 34.10 42.63 0.10 <0.13 102.0 0.18±0.03 2.58±0.17 65.6

WCDA <0.20

1LHAASO J0249+6022 KM2A 42.39 60.37 0.16 0.38±0.08 148.8 0.93±0.09 3.82±0.18

WCDA 41.52 60.49 0.40 0.71±0.10 53.3 1.96±0.51 2.52±0.16

1LHAASO J0339+5307 KM2A 54.79 53.13 0.11 <0.22 144.0 0.58±0.06 3.64±0.16 LHAASO J0341+5258 (0.37)

WCDA <0.21

1LHAASO J0343+5254u* KM2A 55.79 52.91 0.08 0.20±0.02 388.1 1.07±0.07 3.53±0.10 20.2 LHAASO J0341+5258 (0.28)

WCDA 55.34 53.05 0.18 0.33±0.05 94.1 0.29±0.13 1.70±0.19

1LHAASO J0359+5406 KM2A 59.78 54.10 0.10 0.30±0.04 259.2 0.85±0.06 3.84±0.15

WCDA 59.68 54.21 0.14 0.22±0.05 59.3 0.18±0.12 1.74±0.28

1LHAASO J0428+5531* WCDA 67.23 55.53 0.36 1.18±0.12 153.8 4.73±0.65 2.66±0.10

KM2A 66.63 54.63 0.18 0.32±0.06 98.0 0.54±0.06 3.45±0.19

1LHAASO J0500+4454 WCDA 75.01 44.92 0.28 0.41±0.07 43.6 0.69±0.16 2.53±0.20

KM2A <0.09

1LHAASO J0534+3533 KM2A 83.53 35.56 0.18 <0.36 60.8 0.19±0.03 4.89±0.53

WCDA 83.38 35.48 0.18 <0.36 50.4 0.43±0.11 2.37±0.21

1LHAASO J0534+2200u WCDA 83.62 22.01 0.004 <0.04 73603.7 21.10±0.11 2.69±0.01 Crab (0.01)

KM2A 83.61 22.04 0.011 <0.06 14328.1 6.23±0.10 3.19±0.03 2381.4

1LHAASO J0542+2311u KM2A 85.71 23.20 0.14 0.98±0.05 745.3 2.93±0.12 3.74±0.09 21.2 HAWC J0543+233 (0.21)

WCDA* 86.07 23.19 0.50 1.45±0.18 136.9 2.08±0.54 1.95±0.13

1LHAASO J0617+2234 WCDA 94.35 22.57 0.18 0.59±0.08 243.4 1.95±0.27 2.92±0.14 IC 443 (0.14)

KM2A <0.17

1LHAASO J0622+3754 KM2A 95.50 37.90 0.08 0.46±0.03 615.0 1.42±0.07 3.68±0.10 LHAASO J0621+3755 (0.03)

WCDA 95.67 37.93 0.29 0.50±0.09 59.3 0.39±0.17 1.82±0.22

1LHAASO J0631+1040 KM2A 97.77 10.67 0.11 <0.30 141.6 0.54±0.06 3.33±0.16 3HWC J0631+107(0.06)

WCDA <0.36

1LHAASO J0634+1741u KM2A 98.57 17.69 0.10 0.89±0.04 1043.3 4.42±0.15 3.69±0.06 23.0 Geminga (0.54)

WCDA 98.51 17.72 0.28 1.16±0.17 193.2 1.53±0.65 1.65±0.15

1LHAASO J0635+0619 KM2A 98.76 6.33 0.23 0.60±0.07 106.1 0.94±0.10 3.67±0.18 HAWC J0635+070 (0.67)

WCDA <0.90

1LHAASO J0703+1405 KM2A 105.83 14.10 0.26 1.88±0.09 841.0 6.30±0.23 3.98±0.08 2HWC J0700+143 (0.72)

WCDA 105.32 14.55 0.48 1.30±0.21 90.2 2.27±0.74 1.98±0.12

1LHAASO J1104+3810 WCDA 166.07 38.18 0.01 <0.04 5343.6 3.68±0.10 3.41±0.03 Markarian 421 (0.02)

Table 1 continued on next page
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1LHAASO J0212+4254u KM2A 33.01 42.91 0.20 <0.31 38.4 0.12±0.03 2.45±0.23 30.2

WCDA <0.07

1LHAASO J0216+4237u KM2A 34.10 42.63 0.10 <0.13 102.0 0.18±0.03 2.58±0.17 65.6

WCDA <0.20

1LHAASO J0249+6022 KM2A 42.39 60.37 0.16 0.38±0.08 148.8 0.93±0.09 3.82±0.18

WCDA 41.52 60.49 0.40 0.71±0.10 53.3 1.96±0.51 2.52±0.16

1LHAASO J0339+5307 KM2A 54.79 53.13 0.11 <0.22 144.0 0.58±0.06 3.64±0.16 LHAASO J0341+5258 (0.37)

WCDA <0.21

1LHAASO J0343+5254u* KM2A 55.79 52.91 0.08 0.20±0.02 388.1 1.07±0.07 3.53±0.10 20.2 LHAASO J0341+5258 (0.28)

WCDA 55.34 53.05 0.18 0.33±0.05 94.1 0.29±0.13 1.70±0.19

1LHAASO J0359+5406 KM2A 59.78 54.10 0.10 0.30±0.04 259.2 0.85±0.06 3.84±0.15

WCDA 59.68 54.21 0.14 0.22±0.05 59.3 0.18±0.12 1.74±0.28

1LHAASO J0428+5531* WCDA 67.23 55.53 0.36 1.18±0.12 153.8 4.73±0.65 2.66±0.10

KM2A 66.63 54.63 0.18 0.32±0.06 98.0 0.54±0.06 3.45±0.19

1LHAASO J0500+4454 WCDA 75.01 44.92 0.28 0.41±0.07 43.6 0.69±0.16 2.53±0.20

KM2A <0.09

1LHAASO J0534+3533 KM2A 83.53 35.56 0.18 <0.36 60.8 0.19±0.03 4.89±0.53

WCDA 83.38 35.48 0.18 <0.36 50.4 0.43±0.11 2.37±0.21

1LHAASO J0534+2200u WCDA 83.62 22.01 0.004 <0.04 73603.7 21.10±0.11 2.69±0.01 Crab (0.01)

KM2A 83.61 22.04 0.011 <0.06 14328.1 6.23±0.10 3.19±0.03 2381.4

1LHAASO J0542+2311u KM2A 85.71 23.20 0.14 0.98±0.05 745.3 2.93±0.12 3.74±0.09 21.2 HAWC J0543+233 (0.21)

WCDA* 86.07 23.19 0.50 1.45±0.18 136.9 2.08±0.54 1.95±0.13

1LHAASO J0617+2234 WCDA 94.35 22.57 0.18 0.59±0.08 243.4 1.95±0.27 2.92±0.14 IC 443 (0.14)

KM2A <0.17

1LHAASO J0622+3754 KM2A 95.50 37.90 0.08 0.46±0.03 615.0 1.42±0.07 3.68±0.10 LHAASO J0621+3755 (0.03)

WCDA 95.67 37.93 0.29 0.50±0.09 59.3 0.39±0.17 1.82±0.22

1LHAASO J0631+1040 KM2A 97.77 10.67 0.11 <0.30 141.6 0.54±0.06 3.33±0.16 3HWC J0631+107(0.06)

WCDA <0.36

1LHAASO J0634+1741u KM2A 98.57 17.69 0.10 0.89±0.04 1043.3 4.42±0.15 3.69±0.06 23.0 Geminga (0.54)

WCDA 98.51 17.72 0.28 1.16±0.17 193.2 1.53±0.65 1.65±0.15

1LHAASO J0635+0619 KM2A 98.76 6.33 0.23 0.60±0.07 106.1 0.94±0.10 3.67±0.18 HAWC J0635+070 (0.67)

WCDA <0.90

1LHAASO J0703+1405 KM2A 105.83 14.10 0.26 1.88±0.09 841.0 6.30±0.23 3.98±0.08 2HWC J0700+143 (0.72)

WCDA 105.32 14.55 0.48 1.30±0.21 90.2 2.27±0.74 1.98±0.12

1LHAASO J1104+3810 WCDA 166.07 38.18 0.01 <0.04 5343.6 3.68±0.10 3.41±0.03 Markarian 421 (0.02)

Table 1 continued on next page

LHAASO 1st catalog 2024
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Figure 8. LHAASO significance map for eight sources with |b| > 12�. For each source, WCDA (1 TeV <
E < 25 TeV) and KM2A (E > 25 TeV) significance map are shown in top and bottom map, respectively.

to date, SNRcat2 (Ferrand & Safi-Harb 2012). Although we don’t expected that the pulsed TeV
emission from pulsar is detected by LHAASO, the pulsar is a probe to illustrate the characteristic
properties of association SNR and/or PWNe, and is also an indicator of a possible unseen SNR
and/or PWN. For the pulsar associations, we used Web-based Australia Telescope National Facility

2 http://www.physics.umanitoba.ca/snr/SNRcat

LHAASO 1st catalog paper 2024
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• 0.1% of stars form BHs:  
—> many IBHs wandering interstellar medium

• IBHs accretes ISM gas by Bondi-Hoyle-Littleton rate  

• Accretion onto IBHs depends on ISM phase

• warm medium: 

• molecular clouds  

• Parameters are similar to X-ray binaries 
—> IBHs as PeVatrons?

NBH ∼ fBHNstar ∼ 3 × 108

e.g., Matsumoto et al. 2018). Hence, we hereafter focus on the
other three phases.

We estimate the physical properties of IBH-MADs. Since the
accretion rate is much lower than the Eddington rate,
M L c M1.4 10 g sEdd Edd

2 18
1

1 = ´ - , the radiatively ineffi-
cient accretion flow (RIAF; Narayan & Yi 1994; Ichi-
maru 1977; Yuan & Narayan 2014) is formed. According to
recent general relativistic magnetohydrodynamic (GRMHD)
simulations, RIAFs can produce outflows and create large-scale
poloidal magnetic fields even starting from a purely toroidal
magnetic field (Liska et al. 2020). These poloidal fields are
efficiently carried to the IBH, which likely results in formation
of a MAD around the IBH (Cao 2011; Ioka et al. 2017; Kimura
et al. 2021).7 Introducing a reduction parameter of the mass
accretion rate, λw� 1, due to outflows and convection
(Blandford & Begelman 1999; Quataert & Gruzinov 2000;
Yuan et al. 2015; Inayoshi et al. 2018), the accretion rate onto
an IBH can be estimated as
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where G is the gravitational constant,M and vk are the mass and
the proper-motion velocity of the IBH, respectively, mp is the
proton mass, and μISM; 1.26, nISM, and Cs are the mean
atomic weight, number density, and sound speed of the ISM
gas (see Table 1), respectively. We use λw= 1 as a reference
value for simplicity, but we will discuss the cases with a low
value of λw in Section 5. We assume vk; 40 km s−1 as a
reference value as in Ioka et al. (2017).

The radial velocity, proton temperature, gas number density,
and magnetic field of MADs can be estimated to be (Kimura
et al. 2019b, 2021, 2021)
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where R RG= is the size of the emission region normalized
by the gravitational radius, RG=GM/c2, α is the viscous
parameter (Shakura & Sunyaev 1973), H≈ R/2 is the scale
height, and β is the plasma beta.
Inside MADs, electrons are heated up to a relativistic

temperature by magnetic energy dissipation, such as magnetic
reconnections (Rowan et al. 2017; Hoshino 2018) and the
turbulence cascades (Howes 2010; Kawazura et al. 2019). We
parameterize the total heating rate and electron heating rate as
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where òdis is the ratio of dissipation to accretion energies, òNT is
the ratio of nonthermal particle production to dissipation
energy, and fe is the electron heating fraction. Considering the
trans-relativistic magnetic reconnection, we use the electron
heating prescription given by Rowan et al. (2017) and Chael
et al. (2018)8:
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- is the magnetiza-

tion parameter. We assume that the proton temperature is
subrelativistic, which is reasonable for the bulk of the accretion
flows. We obtain fe∼ 0.3 with our reference parameter set.

3. Photon Spectra from IBH-MADs

We calculate the photon spectrum from IBH-MADs using
the method in Kimura et al. (2021; see also Kimura et al.
2015, 2019a; Kimura & Toma 2020), where we include both
thermal and nonthermal components of electrons and treat them
as separate components. Thermal electrons emit broadband
photons by thermal synchrotron, bremsstrahlung, and Comp-
tonization processes. Nonthermal electrons emit broadband
photons by synchrotron emission, and we can ignore other
emission processes in the MADs. We also calculate emissions
induced by nonthermal protons, but we find that their
contribution is negligible.
The thermal electrons emit optical photons by thermal

synchrotron radiation. For cases with low M• , the cooling
processes are so inefficient that the radiative cooling cannot
balance the heating before falling to the IBH. Then, the
electron temperature is determined by k T f k TB e e B p,adi »

( )f7.0 0.3e 1
1- MeV. For high M• , the electron temperature

Table 1
Physical Quantities in Five ISM Phases

ISM Phase nISM Cs,ISM HISM ξ0
[cm−3] [km s−1] [kpc]

Molecular clouds 102 10 0.075 0.001
Cold H I 10 10 0.15 0.04
Warm H I 0.3 10 0.50 0.35
Warm H II 0.15 10 1.0 0.2
Hot H II 0.002 150 3.0 0.43

Note. nISM, Cs,ISM, HISM, ξ0 are the number density, effective sound velocity,
scale height, and volume filling factor of the ISM phases. We mainly discuss
Cold H I, Warm H I, and Warm H II.

7 Some GRMHD simulations do not achieve the MAD state even for their
long integration timescales, depending on the initial magnetic field configura-
tions (Narayan et al. 2012; White et al. 2020). This may indicate that the
condition for MAD formation depends on the magnetic field configurations of
the ambient medium.

8 Previous works on emissions from MADs (Kimura et al. 2021; Kimura &
Toma 2020) use the prescription by Hoshino (2018), which assumes
nonrelativistic magnetic reconnections. Since magnetic reconnections in MADs
can be trans-relativistic, we examine Chael et al. (2018) in this study.

2

The Astrophysical Journal Letters, 922:L15 (7pp), 2021 November 20 Kimura, Kashiyama, & Hotokezaka

·Mc2 ∼ 1032 erg/s nISM,−1vk,40km/s

·Mc2 ∼ 1035 erg/s nISM,2vk,40km/s

Isolated Black Holes (IBHs)
6

(Fujita+ 1998; Ioka+2017; Matsumoto+2018; Tsuna+ 2018,2019 etc)

Astro-dic.jp



• Accretion rate is high ( ) —> optically thick accretion disk + corona 

• Accretion rate is low ( ) —> only hot plasma surrounding the BH 

• Coulomb timescale >> infall timescale —> non-thermal particle production?

·Mc2 ≳ 0.01LEdd
·Mc2 ≲ 0.01LEdd

RIAFs around Black Holes
7

EHT M87

• Low-luminosity AGN

Accretion flows in XRB 19

Fig. 9 The left hand panel shows a selection of states taken from the 2005 outburst
of GRO J1655–40. The right hand panel shows the proposed accretion flow changes
to explain these different spectra, with differing contributions from the disc, hot
inner flow and its associated jet, active regions above the disc and a wind.

the hard state is seen at lower luminosities. Comprehensive reviews of the
observational properties of these spectral states are given by e.g. Tanaka &
Lewin (1995) and Remillard & McClintock (2006).

Thus while we have two theoretical stable accretion flow models, a disc
and an optically thin, hot (messy) flow, there are (at least) three different
types of spectra to explain. As outlined in Section 3.4, the hot flows plus
a truncated disc can generically match the hard state properties (see also
Section 4.1), while the spectra seen at high L/LEdd show clear signs of be-
ing dominated by the disc. At these high luminosities the disc is likely to
extend down to the last stable orbit (see Section 5), but even the soft-state
spectra are always accompanied by a high-energy tail. This shows that there
must be some sort of optically thin dissipation which can co-exist with the
majority of the accretion flow being in the form of a disc. This could be due
to some small fraction of the flow in a state analogous to the hot, optically
thin (messy) flow seen in the hard state, but with properties modified by the
strong Compton cooling (Esin 1997; Janiuk, Życki & Czerny 2000) and ther-
mal conduction (Różańska & Czerny 2000; Liu, Meyer & Meyer-Hofmeister
2005). There are also alternatives to these smooth flows in models where the
energy dissipation is instead inherently very inhomogeneous, perhaps due to
magnetic reconnection of flux tubes rising to the surface of the disc, as was
first suggested by Galeev, Rosner & Vaiana (1979), and finds some support
in the inherently variable (in both space and time) dissipation produced by
the MRI (e.g. Hawley & Balbus 2002).

One way to put all these mechanisms together into a plausible model for
all the spectral states is sketched in Fig. 9b, similar to that first proposed
by Esin et al. (1997). In the sections below we will outline how this model
works to explain the observed spectra of each state. We discuss alternatives
to the truncated disc in Section 4.2.

Soft

Hard

• X-ray binaries
Done et al. 2007
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Figure 9. ��1 = b2/(2p) at four typical times t = [2941, 2971, 2988, 3009]rg/c (from left to right) during the quasi-state-state
phase of accretion in the MAD configuration. Magnetic field lines are plotted on top as solid black lines. In the top half one
can detect the accretion of a magnetic flux tube (left panel) at x ⇡ 3rg, y ⇡ 1rg that opens up and becomes tearing unstable
(second panel) after it connects to the black hole, and produces copious plasmoids coalescing into large-scale structures (third
and fourth panel) at x ⇡ 5rg, y ⇡ 2.5rg with a typical size of about one Schwarzschild radius.

In Figure 10 we show the magnetization, current den-
sity, Ohmic heating, and temperature for the MAD
state, where we again mask the regions with � � 5. Due
to the higher magnetization (see the top-left panel) sur-
rounding the equatorial current sheets (see the top-right
panel) in the MAD state, the plasmoids are heated to
relativistic temperatures T ⇠ 10 (bottom-right panel),
an order of magnitude higher than in the SANE case.
The current density in the sheets is significantly higher
than in the SANE case. The plasmoids are heated
through Ohmic heating close to the event horizon, as
can be seen from the bottom-left panel.

3.5. Reconnection rate

We calculate the reconnection rate in a similar way as
for the Orszag-Tang vortex for both MAD and SANE
configurations. We first transform the Eulerian electric
and magnetic fields into a locally flat frame (see e.g.,
White et al. 2016) to apply the standard reconnection
analysis. We project the fields in the flat frame along
the direction parallel to the current layer to determine
the upstream geometry, and a typical Harris-type sheet
structure is found in Figure 11 both for the magnetic
field and the current density magnitude J . All three
magnetic field components switch sign in the current
sheets, indicating that zero-guide-field reconnection oc-
curs in both MAD and SANE cases. In the locally flat
frame we determine the inflow speed from the E ⇥ B-

velocity that we project along the direction perpendic-
ular to the current sheet, and then calculate the re-
connection rate as vrec/c = (vup,left � vup,right)/2c. In
both MAD and SANE configurations we select ten cur-
rent sheets at di↵erent times during the quasi-steady-
state phase of accretion and consistently find a recon-
nection rate between 0.01c and 0.03c. This finding is
in accordance with analytic resistive MHD predictions
for plasmoid-dominated reconnection in isolated current
sheets (Bhattacharjee et al. 2009; Uzdensky et al. 2010).

4. DISCUSSION AND CONCLUSIONS

We have shown that plasmoids form ubiquitously due
to magnetic reconnection in black-hole accretion flows,
regardless of the initial size of the disk and the magneti-
zation during the quasi-steady-state phase of accretion.
Energetic plasmoids that form on the smallest resistive
scales and escape the gravitational pull of the black hole
can grow into macroscopic hot spots through coalescence
with other plasmoids. In both MAD and SANE cases
these hot structures are ejected either along the jet’s
sheath or into the disk, heating the sheath and regions
of the disk within a few Schwarzschild radii of the event
horizon. In the MAD case the magnetization is signif-
icantly higher close to the event horizon, powering hot
spots with relativistic temperatures T = p/⇢ ⇠ 10, an
order of magnitude higher than in the SANE case T ⇠ 1.
The preferential heating of the jet’s sheath by continu-

Hot spot formation in black hole accretion disks 7

Figure 6. ��1 = b2/(2p) at four typical times t = [1460, 1480, 1540, 1580]rg/c (from left to right) during quasi-state-state phase
of accretion in the SANE configuration. Magnetic field lines plotted are on top as solid black lines. In the bottom half one can
detect the accretion of a magnetic flux tube at rKS cos ✓ = x ⇡ 6rg, rKS sin ✓ = y ⇡ �8rg (left two panels) that inflates, opens
up and becomes tearing unstable (third panel) after it connects to the black hole, and produces copious plasmoids coalescing
into large-scale structures at x ⇡ 5rg, y ⇡= �10rg (fourth panel) with a typical size of about one Schwarzschild radius. In
the top half of the panels a similar process can be seen at x ⇡ 7rg, y ⇡ 13rg in the second and third panel, also resulting in a
large-scale plasmoid at x ⇡ 9rg, y ⇡ 18rg in the fourth panel.

our simulations. We confirm convergence of the thin-
ning process of the current sheets by restarting from
the quasi-steady-state increasing the resolution up to
12288⇥ 6144, and measure the cells per thickness of the
sheets. In all considered cases the sheets are captured
by 8 or more cells over their widths, which is discussed
in section 3.3.

3.3. Plasmoid formation in the SANE model

Thin current sheets are expected to form above the
disk or in the jet’s sheath where magnetic flux tubes
are twisted by global shearing motion. These structures
can inflate while they accrete onto the black hole and
form thin current sheets after which their magnetic en-
ergy is dissipated close to the event horizon through re-
connection. The magnetic energy is released into heat
and bulk motion of the plasmoids that can either fall
into the black hole or get ejected. This process has
been studied in the force-free paradigm, assuming the
plasma to be infinitely magnetized (Parfrey et al. 2014;
Yuan et al. 2019a,b; Mahlmann et al. 2020). Addition-
ally, when the net magnetic flux in the accretion disk is
relatively small, turbulence resulting from the MRI can
produce magnetic fields with alternating polarities prone
to reconnection (Davis et al. 2010; Zhu & Stone 2018).
MHD turbulence is known to intermittently form large
plasmoid-unstable current sheets (Zhdankin et al. 2013,

2017; Dong et al. 2018) and the plasmoid instability can
significantly modify the turbulent MHD cascade at rela-
tively small scales and high Lundquist numbers S ⇠ 106

(Boldyrev & Loureiro 2017; Loureiro & Boldyrev 2017;
Mallet et al. 2017; Comisso et al. 2018).
In Figure 6 we observe both processes in a SANE

configuration and detect current sheets in the disk and
along the jet’s sheath, indicated by a small ��1 and
anti-parallel field lines. In the left-most two panels at
t = 1460rg/c and t = 1480rg/c a large flux tube falls
onto the black hole in the left bottom half at approx-
imately x = rKS cos ✓ ⇡ 8rg, y = rKS sin ✓ ⇡ �8rg.
In the third panel, at t = 1540rg/c, the flux tube has
both its footpoints attached to the black hole, it opened
up after it inflated and became thin enough to be tear-
ing unstable and form multiple plasmoids (Parfrey et al.
2014 observes a similar process). In the fourth panel, at
t = 1580rg/c, the plasmoids that are advected away
from the black hole along the jet’s sheath have formed
a large structure at x ⇡ 6rg, y ⇡ �10rg through coales-
cence. At x ⇡ 9rg, y ⇡ 17rg a similar process occurs in
the third panel and a large plasmoid has formed through
mergers of multiple smaller plasmoids that can be seen
in the left panels. In the first and second panel one can
detect a flux tube with one footpoint connected to the
black hole, that is then twisted by the shear flow, be-

8

• Standard and Normal Evolution 
(SANE)

• Magnetically Arrested Disk  
(MAD)

Narayan et al. 2012

• Strong and ordered magnetic fields
• Powerful jet can be launched  
→ related to radio-loud States

• Turbulence driven by MRI
• Weaker jets are launched  
→ related to radio-faint states

Ripperda et al. 2020

M77 (NGC 1068)

M87 (NGC 4486)

SANE & MAD
Ripperda et al. 2020



Magnetic transport to IBH

• Density fluctuations in molecular clouds 
=> net angular momentum => formation of disk

• Molecular cloud => accretion disk  
- magnetic flux freezing

• Accretion disk => turbulence transport
• Important parameter: Prandtl number Pm = u∗/(Rη∗)

9

3

Figure 1. Schematic picture of the formation of an accretion
disk. We assume that IBH moves in the molecular cloud. In
IBH rest frame, molecular gas flows in from infinity in the
z-direction with the velocity Ve! . The dashed lines represent
stream lines of the flow, orange lines indicate capture-capable
regions, while black lines indicate regions where capture is
not possible. If the molecular cloud has density fluctuations
in the x-direction, an accretion disk with angular momentum
in the y-direction is formed.

With such a low Eddington ratio, we expect the ac-
cretion flow to be in the RIAF regime (F. Yuan & R.
Narayan 2014).
In RIAFs, the matter cannot cool within the infall

timescale, which results in a proton temperature compa-
rable to the virial temperature. RIAFs are geometrically
thick because of the strong thermal pressure. The thick
geometry allows a large turbulent eddy, which leads to a
large turbulent viscosity. Then, the angular momentum
transport is e!cient, resulting in a radial motion faster
than the standard thin disk. The radial velocity, sound
velocity, proton temperature, and density in RIAFs can
be analytically estimated to be (see S. S. Kimura et al.
(2019); S. S. Kimura & K. Toma (2020), or parameter
sets for active galactic nuclei (AGN))

VR → 1

2
ωVK , (4)

CS → 1

2
VK , (5)

kBTp → GMmp

4R
, (6)

Np → Ṁ

4εRHVRµMCmp

, (7)

where VK =
√

GM/R is Keplerian velocity, ω is viscous
parameter(N. I. Shakura & R. A. Sunyaev 1973), H →
R/2 is the scale height.

3. MAGNETIC FLUX TRANSPORT

Depending on the e!ciency of magnetic flux trans-
port, the flow can evolve into either a SANE or MAD

state. We solve the global magnetic flux transport in
the disk to determine whether the flow reaches the MAD
state.

3.1. Magnetic Flux Transport from Molecular Clouds
to Accretion Disks

The IBH moves the molecular cloud supersonically,
forming bow shock waves through the accretion flow
(S. A. Jolehkaran et al. 2025). In shocked and unshocked
region, temperatures and ionization di”er, and corre-
spondingly, magnetic flux transport mechanisms also
di”er. The magnetic field in the unshocked region, which
is weakly ionized plasma, is dominated by ambipolar dif-
fusion (B. T. Draine 2011). However, the magnetic flux
in the shocked region is conserved due to flux freezing
in the fully ionized gas (advection dominant), implying
that the magnetic field strength is proportional to R

→2.
In the unshocked region of the BHL accretion flow, the
gas is not significantly compressed before reaching the
bow shock. As a result, the magnetic field strength re-
mains comparable to that of the ambient medium, even
if magnetic di”usion is e!cient. Therefore, the flow en-
ters the shock with nearly the same field strength as the
surrounding molecular cloud. We calculate the magnetic
field strength at the outer edge of the accretion disk,

Bout = BMC

(
L0

Rout

)2

→ ϑ1BMC

(
RHL

Rout
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↑ 23ϑ1,→0.77M
2/3

1
V
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13/20

MC,3
G,
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where

ϑ1 ↓
∫
RHL

0
(L0/RHL)

2 2εϖdϖ
∫
RHL

0
2εϖdϖ

, (9)

BMC is the magnetic field strength in the molecular
cloud 3

ϖ is the impact parameter, L0 is the distance
to the bow shock from the IBH. Assuming a constant
density, we can solve the orbit of the Hoyle Lyttleton
accretion flow (see Equation (9) of R. Edgar (2004)).
Given the orbit of the shock front 4, we can determine
ϑ1, and obtain ϑ1 = 0.17.

3 The dependence of BMC on the measured nMC is

BMC →





5µG (nMC < 200 cm→3)

49n
13/20

MC,4
µG (nMC > 200 cm→3)

(10)

(R. M. Crutcher et al. 2010; B. T. Draine 2011). In this study,
we only adapt the case nMC > 200 cm→3.

4 In a coordinate system with the IBH as the origin, refer-
encing the simulation results (S. A. Jolehkaran et al. 2025),
the orbit of the shock is given by the quadratic function
x =

√
1.2RHL(z + 0.1RHL)
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2009; Lesur & Longaretti 2009; Fromang & Stone 2009), then
the above criterion is violated, i.e., diffusion would prevent
advection of the field. This has been invoked as a challenge to
the viability of magnetically driven jets and winds. This also
implies that MRI turbulence would saturate at a low level. For
protoplanetary disks, the level might be too low to be consistent
with observations (Bai & Stone 2013b; Simon et al. 2013a).

However, recent studies suggest that poloidal fields are
more likely to be advected than previously thought. Spruit
& Uzdensky (2005) point out that turbulent diffusion is re-
duced if the magnetic flux passes through the disk in con-
centrated patches. Turbulent diffusion can also be prevented if
the disk has highly conductive (non-turbulent) surface layers
(Bisnovatyi-Kogan & Lovelace 2007, 2012; Rothstein &
Lovelace 2008; Lovelace et al. 2009). Guilet & Ogilvie (2012,
2013) point out that the advection of magnetic flux can be sig-
nificantly faster than that of mass owing to fast radial velocities
in the low-density regions away from the midplane (Takeuchi &
Lin 2002). Efficient advection of magnetic flux is also suggested
by a number of global MHD simulations (Igumenshchev et al.
2003; Beckwith et al. 2009; Tchekhovskoy et al. 2011; Suzuki &
Inutsuka 2014), some of which (Beckwith et al. 2009; Suzuki &
Inutsuka 2014) indicate that the advection indeed takes place at
large distances from the midplane. Taken together, these results
suggest that poloidal fields can be efficiently dragged inward
(i.e., D can be <1) in a realistic accretion disk.

These recent studies motivate us to ask the following ques-
tions. Assuming that advection of a poloidal field is indeed
efficient, how will the radial distribution of the poloidal field
evolve with time? Can we constrain the range of the poloidal
field strength for such a conducting accretion disk? What are
the implications for magnetically driven evolution of accretion
disks such as protoplanetary disks? Aiming at addressing these
questions, we revisit global transport of large-scale magnetic
fields with the assumption that poloidal fields can be efficiently
dragged inward in accretion disks. As a first step of this project,
we here focus on steady states where inward advection of a
magnetic flux balances with outward diffusion. We employ the
kinematic mean-field formalism of LPP94a and analytically de-
rive the steady-state distribution of a poloidal field for highly
conducting accretion disks. We find that there exists an upper
limit on the vertical field strength for a given distance from the
central star. When combined with recent models for MRI and
wind-driven accretion, this upper limit suggests that magneti-
cally driven accretion does not produce an accretion rate higher
than ∼10−7 M# yr−1 as long as the magnetic field configuration
reaches a steady state. A companion paper addresses non-steady
field transport in evolving viscous accretion disks (Takeuchi &
Okuzumi 2014).

The plan of the paper is as follows. In Section 2, we introduce
the model to describe radial transport of magnetic fields, and
derive the condition to be satisfied in steady states. In Section 3,
we analytically derive the steady-state equations and the upper
limit on the vertical field strength. Section 4 compares the
analytic solution with time-dependent numerical solutions. In
Section 5, we apply our result to protoplanetary systems and
discuss its astrophysical implications. Section 6 is devoted to a
summary.

2. MODEL

In this study, we adopt a mean-field model for large-scale
poloidal fields developed by LPP94a (see Figure 1 for a
schematic illustration). We take a cylindrical coordinate system

Figure 1. Schematic illustration of the mean-field model adopted in this
study. The disk is assumed to be threaded by a large-scale poloidal field
Bp = Br er + Bzez (solid curves; note that the field lines below the disk are
omitted). The field connects to a uniform field B∞ez at infinity. The flux is
advected inward at some averaged speed |u∗| (Equation (8)) and is diffused
outward by some effective resistivity η∗ (Equation (9)). The surface density
of the toroidal current, Kφ , is related to the flux distribution on the disk by
Biot–Savart’s law (Equation (12)).
(A color version of this figure is available in the online journal.)

(r, φ, z) with r = 0 at the disk center and z = 0 on the disk
midplane. We denote the large-scale averages of the magnetic
field strength and neutral gas velocity as B and u, respectively.
The adopted model is kinematic in the sense that u is given as
a prescribed function. Any small-scale (or turbulent) motion in
the disk is treated as a macroscopic magnetic diffusivity, which
will also be given as a prescribed quantity (see Section 2.1). In
principle, one can evolve B and u in a self-consistent way by
solving dynamical equations or adopting any empirical relation
between B and u (see Agapitou & Papaloizou 1996), but we
defer this to future work.

We assume that both B and u are axisymmetric, or that
these quantities are already averaged in the azimuthal direction.
Therefore, we do not explicitly treat transport of strongly
magnetized patches as considered by Spruit & Uzdensky (2005).
We neglect conversion of toroidal into poloidal fields by
turbulence (the so-called α dynamo), though such effects do
exist in MRI-driven turbulence (e.g., Brandenburg et al. 1995;
Davis et al. 2010; Gressel 2010; Simon et al. 2011; Flock
et al. 2012a, 2012b). With this assumption together with
axisymmetry, the toroidal field Bφ does not enter the induction
equation for the poloidal field. For this reason, we will treat the
disk field as purely poloidal.

The accretion disk is assumed to be geometrically thin
with half thickness H & r . The large-scale electric current
J = (c/4π )∇×B is purely toroidal since B is axisymmetric and
poloidal. We assume that the toroidal current is well confined
to the disk (|z| < H ). The magnetic field exterior to the disk is
therefore a potential field.

We express the poloidal field in terms of a flux function ψ
defined as B = ∇ × (ψeφ/r). By axisymmetry, the radial and
azimuthal components of the field are written as

Br = −1
r

∂ψ

∂z
, (1)

Bz = 1
r

∂ψ

∂r
. (2)

2

4

3.2. Magnetic Flux Transport in Accretion Disks

When we consider the magnetic flux transport in the
accretion disk, we adopt a mean-field model for large-
scale poloidal fields developed by S. H. Lubow et al.
(1994). We denote the large-scale averages of the mag-
netic field strength and neutral gas velocity as B and u,
respectively. We assume that both B and u are axisym-
metric or that these quantities are already averaged in
the azimuthal direction. We treat the disk field as purely
poloidal.
We express the poloidal field in terms of a flux function

ω defined as B = → ↑ (ωeω/R). By axisymmetry, the
radial and azimuthal components of the field are written
as

BR = ↓ 1

R

εω

εz
, (11)

Bz =
1

R

εω

εR
. (12)

The flux function is proportional to the magnetic flux !
passing through the disk interior to R, i.e.,

! = 2ϑ

∫
R

0

Bz(R
→
, 0)R→

dR
→ = 2ϑω(R). (13)

The time evolution of a poloidal flux distribution is
determined by the mean-field induction equation. In
terms of ω, this can be written as (see Equation (6) of
S. Okuzumi et al. (2014))

εω

εt
= ↓u↑

εω

εR
↓ 2ϑRϖ↑

cH
Kω, (14)

where 1/ϖ↑ ↔ (1/2H)
∫
H

↓H
(1/ϖ)dz, u↑ ↔

(ϖ↑/2H)
∫
H

↓H
(uR/ϖ)dz, uR is the radial velocity, ϖ

is the magnetic di”usivity, Kω ↔
∫
H

↓H
Jωdz is the

azimuthal component of the surface current, and
Jω = (c/4ϑ)(→ ↑ B)ω is the toroidal component of
the mean electric current. We assume that the current
vanishes outside the disk (i.e., the exterior magnetic
field is a potential field), and the flux function ω can be
decomposed as (see Equation (17) of S. H. Lubow et al.
(1994))

ω = ωd + ω↔ (15)

where

ω↔ =
1

2
BoutR

2 (16)

is the contribution from the imposed field and ωd is
from the induced field. The latter is related to Kω

via Biot–Savart’s law (see Equation (12) and (13) of S.

Okuzumi et al. (2014)).

ωd =

∫
Q(r<, r>)Kω(R

→)dR→
, (17)

Q =
4

c
R>

[
K

(
R<

R>

)
↓ E

(
R<

R>

)]
, (18)

where R< = min(R,R
→),R< = max(R,R

→), and K(x)
and E(x) are the complete elliptic integrals defined by

K(x) =
∫
2ε

0
(1 ↓ x

2sin2ϱ)↓1/2
dϱ and E(x) =

∫
2ε

0
(1 ↓

x
2sin2ϱ)1/2dϱ.
We solve Equations (14) and (17) using the same nu-

merical method as R. Yamamoto & S. Takasao (2024).
In our IBH accretion model, we set u↑ = VR from Equa-
tion (4) and adopt ς = 0.1, motivated by observations
of BH binaries (R. G. Martin et al. 2019).
We take the computational domain to be Rmin ↗ R ↗

Rmax with Rmin = RG and Rmax = Rout. The domain
is divided into 512 logarithmically spaced cells. We use
an outflow boundary condition for the inner boundary
5, while for the outer boundary we impose a Dirich-
let boundary condition.We adopt the initial condition
ω(R, t = 0) = ω↔.
We introduce the magnetic Prandtl number Pm ↔

φ/ϖ↑, where φ is the kinetic viscosity coe#cient φ =
ςCSH. Pm determines whether advection or di”usion
is dominant in the entire accretion disk. If Pm < 1,
di”usion dominates; if Pm > 1, advection dominates.
We assume that the magnetanization parameter

↼p = B
2
/4ϑNpmpc

2 has an upper limit. Three-
dimensional general relativistic magnetohydrodynamic
(3D GRMHD) simulations of the BH magnetosphere (B.
Ripperda et al. 2022) suggest that ↼p typically lies in
the range ↘ 0.1–100. Following these results, we adopt
↼p = 10 as a representative upper limit in this study.
Figure 2 displays time-dependent numerical solutions

of Equations (14) and (17). Then the magnetic field at
R = Rout is Bout = 23G. We calculate the cases Pm =
1, 0.5, and 3, since Magnetohydrodynamic (MHD) sim-
ulations of MRI-driven turbulence (S. Fromang & J. M.
Stone 2009) show 0.5 ↗ Pm ↗ 3. Both MHD simu-
lations and analytic studies also suggest Pm ↘ 1(P. J.
Käpylä et al. 2020). At any magnetic Prandtl num-
ber, t = 10t↑ and t = 20t↑ coincide, thus the solution
converges to a steady state at approximately t = 10t↑,
where t↑ ↔ R

2
/ϖ↑. The magnetic flux function ω fol-

lows a power-law profile ω ≃ R
s. In the limiting cases,

the magnetic flux follows simple scallings. For Pm ⇐ 1,

5 Regarding the inner boundary conditions, since u→ is always
directed inward and the upwind scheme is taken, the choice
of other boundary conditions does not a!ect the calculation
results.
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Figure 2. Time-dependent numerical solutions of Equa-
tions (13) and (14). Panels (a) and (b) show the results
for Pm = 0.5 and 1.0, respectively, with Ve! = 20 km s→1

and nMC = 103 cm→3. The solid blue and black lines rep-
resent the initial condition and the limiting magnetic flux,
respectively. The dashed, dotted, and dot-dashed lines are
the snapshots of the numerical solutions at times t = 1.0t↑,
t = 10t↑, t = 20t↑, respectively. The dotted and dot-dashed
lines are nearly indistinguishable, indicating that the solu-
tion has reached a steady state.
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(22)

For q < 1, the exponent of Ve! in Equation (22) with
sw = 0.5 becomes negative, implying that the required
density for MAD formation decreases with increasing
Ve! . Physically, a larger Ve! reduces the disk size,
Rout ↑ V

→10/3

e!
, thereby shortening the radial region

Figure 3. The left panel shows nMC–Ve! parameter
space satisfying !H → !MAD for Pm = 0.5(q = 0.55),
Pm = 0.7(q = 0.75), Pm = 0.8(q = 0.84) and
Pm = 0.9(q = 0.92). The solid curves represent the con-
tours !H = !MAD for each magnetic Prandtl number. The
MAD condition is satisfied toward higher nMC and Ve! . The
gray shaded region corresponds to ṁ ↑ Ṁc2/LEdd > 0.01,
where the present model is not applicable.

over which magnetic flux can escape through di!usion.
In contrast, for q > 1, MAD formation becomes easier
at smaller Ve! .

Figure 3 shows the parameter space nMC ↗ Ve! that
satisfies !H ↓ !MAD for Pm = 0.5, 0.7, 0.8 and 0.9.
We adopt the ranges of nMC and Ve! motivated by
typical molecular clouds 102cm→3 ↘ nMC ↘ 103cm→3

(J. Roman-Duval et al. 2010), dense molecular core
104cm→3 ↘ nMC ↘ 105cm→3 (V. Könyves et al. 2015),
and the typical kick velocity of IBH 10 km s→1 ↘ Ve! ↘
300 km s→1(N. Koshimoto et al. 2024; P. Nagarajan &
K. El-Badry 2025). Within these parameter ranges, we
evaluate whether the MAD condition can be satisfied for
IBHs moving in molecular clouds.

Figure 3 shows that the MAD condition is satisfied for
Pm ↭ 1. Figure 3 also indicates that MAD formation
becomes more di"cult as the magnetic Prandtl number
Pm decreases for Pm ↫ 1. This is because a smaller
Pm corresponds to more e"cient magnetic di!usion, al-
lowing the magnetic flux to escape more easily. As a
result, for Pm = 0.5, IBHs embedded in typical molecu-
lar clouds (nMC = 102–103 cm→3 and Ve! ↫ 100 km s→1)
generally do not reach the MAD state.

Our model is not applicable to systems with high ac-
cretion rates. This is because we assume aspect ratio
h is constant throughout the disk. At high accretion
rates ṁ = Ṁc

2
/LEdd > 0.01, the accretion flow is likely

composed of an inner RIAF and an outer standard disk.
Our model cannot be applied in such a regime, which is
shown as a gray shaded region.
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over which magnetic flux can escape through di!usion.
In contrast, for q > 1, MAD formation becomes easier
at smaller Ve! .

Figure 3 shows the parameter space nMC ↗ Ve! that
satisfies !H ↓ !MAD for Pm = 0.5, 0.7, 0.8 and 0.9.
We adopt the ranges of nMC and Ve! motivated by
typical molecular clouds 102cm→3 ↘ nMC ↘ 103cm→3

(J. Roman-Duval et al. 2010), dense molecular core
104cm→3 ↘ nMC ↘ 105cm→3 (V. Könyves et al. 2015),
and the typical kick velocity of IBH 10 km s→1 ↘ Ve! ↘
300 km s→1(N. Koshimoto et al. 2024; P. Nagarajan &
K. El-Badry 2025). Within these parameter ranges, we
evaluate whether the MAD condition can be satisfied for
IBHs moving in molecular clouds.

Figure 3 shows that the MAD condition is satisfied for
Pm ↭ 1. Figure 3 also indicates that MAD formation
becomes more di"cult as the magnetic Prandtl number
Pm decreases for Pm ↫ 1. This is because a smaller
Pm corresponds to more e"cient magnetic di!usion, al-
lowing the magnetic flux to escape more easily. As a
result, for Pm = 0.5, IBHs embedded in typical molecu-
lar clouds (nMC = 102–103 cm→3 and Ve! ↫ 100 km s→1)
generally do not reach the MAD state.

Our model is not applicable to systems with high ac-
cretion rates. This is because we assume aspect ratio
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Our model cannot be applied in such a regime, which is
shown as a gray shaded region.

MAD Formation Condition
10

MAD formation 
for Pm > 0.9

• Magnetic flux profiles in disk: Power-law 
• MAD formation conditions: 

• MHD simulations:  => IBH in molecular clouds likely host MADs!

ψH > ψMAD

Pm ≃ 1 − 5
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Figure 1. Plasmoid-mediated reconnection, which takes place at su�ciently high resolutions in MHD, is seen in a 3D GRMHD
simulation for the first time. Resolving the dynamics of X-points and plasmoids in the current sheet can be the key to
understanding the source of black hole non-thermal emission, e.g., high-energy flares. Dimensionless temperature T = p/⇢,
plasma-�, and density ⇢ (from left to right) in the meridional plane before (top row), during (middle row) in the inner 10rg
and after (bottom row) the large magnetic flux eruption in the inner 40rg. During the magnetic flux eruption, the accretion
disk is ejected and the broad accretion inflow is reduced to a thin plasmoid-unstable current sheet, indicated by X-points and
magnetic nulls shown by the antiparallel in-plane field lines (in green, see inset in panel D) and the high � (inset panel E).
The hot (T ⇠ �max) exhaust of the reconnection layer heats the jet sheath. Reconnection transforms the horizontal field in the
current sheet to vertical field that is ejected in the form of hot coherent flux tubes (panel G) at low � and density (panels H,I).

vertical (z) magnetic field, reminiscent of the 2D results
of Ripperda et al. (2020). The flux eruption originates
from the inner magnetosphere where the highly magne-
tized plasma in the jet directly feeds the current sheet.
The plasma density in the jet is determined by the den-
sity floor at �max = 25 in our simulations, whereas in
reality it is much more strongly magnetized (� � �max)
pair plasma. Reconnection occurs locally in X-points

where a field line breaks and reconnects to other field
line (see insets in Figures 1D and 1E). In these X-points,
reconnection heats the plasma up to T ⇠ �max = 25
(left panels) after which it is expelled from the layer at
Lorentz factors up to � /

p
�max = 5 (Lyubarsky 2005,

see also Supplemental Material for an exploration of dif-
ferent �max in 2D). The flux is expelled through recon-
nection into the low-density region in between the large

• GRMHD simulations revealed that  
MADs release its magnetic energy  
by magnetic reconnection  

• Accretion process naturally induces  
magnetic reconnection at the mid plane  

• Reconnection induces turbulence 
• MHD instabilities also drive turbulence
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The gamma-ray luminosity at the VHE range is analytically
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where d is the distance to the protostar and we use the distance
to the nearby star-forming regions, such as the Taurus
molecular cloud and ρ Ophiuchi molecular complex. This
value is an order of magnitude lower than the sensitivity of the
Cherenkov Telescope Array (CTA; ∼10−13 erg s cm−2 for a 50
hr integration: CTA website). Thus, with these parameters, we
cannot expect the VHE gamma-ray detection. We numerically
calculate the gamma-ray spectra from the protostellar flare with
the method given in Kelner et al. (2006) with pp cross section
given in Kafexhiu et al. (2014), and we confirm this conclusion
as shown in Figure 4. The result for our reference model
(model A) is indicated by the thick red solid line, which is
much lower than the sensitivity curves of CTA (thin magenta
curves).
However, the gamma-ray luminosity strongly depends on the

values of Brec and lloop, which are largely unknown. Figure 4
also exhibits the GeV–TeV gamma-ray spectra from proto-
stellar flares for other parameter sets tabulated in Table 1. For a
moderate case (model B; high Brec and lloop), the VHE flux
reaches the sensitivity of CTA. Since the duration of the
gamma-ray emission is estimated to be » ~gt t 10 srec

3 as
tabulated in Table 1, we can expect detection of VHE gamma
rays if we stack ∼180 protostellar flares. Since the field of view
(FOV) of CTA is ∼3°× 3°, they can monitor ∼100–300 YSOs

Figure 3. Schematic picture of our scenario of gamma-ray flares from protostars. Top left panel: mass accretion from a protoplanetary disk accumulates magnetic
fields around a protostar. The surface layers of the disk accrete faster than the midplane. This flow structure stretches the magnetic fields. Top right panel: when
magnetic field strength becomes comparable to the thermal energy of the disk gas, magnetic fields and the coronal plasma start to expand toward the disk midplane,
which clears out the disk. This eventually triggers magnetic reconnection. Bottom left panel: the magnetic reconnection produces bipolar outflows. One moves to the
protostar, and it cools down by thermal conduction before colliding with the flare loop. The other outflow moves to the protoplanetary disk, and it evolves
adiabatically. Bottom right panel: thermal conduction to the protostellar surface leads to evaporation of the protostellar atmosphere, and the evaporation plasma emits
X-rays via thermal bremsstrahlung. In addition, the collision between the outflow and the flare loop forms a shock in the outflow, where nonthermal particles are
accelerated via the diffusive shock acceleration process. The accelerated protons emit gamma rays and neutrinos via hadronuclear interactions with evaporation
plasma, and nonthermal electrons emit millimeter/submillimeter photons by synchrotron radiation.

7 fvhe is computed as follows. We use Equation (18) to obtain the
normalization of the CR proton spectrum. The CR proton spectrum has a
peak at Ep ≈ mpc

2 for s > 2. VHE gamma rays are produced by CR protons of
Ep  1 TeV, but the number density of protons at this energy is lower than that
at Ep ∼ mpc

2. We take into account such a reduction of the number of CR
protons when computing fvhe.
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as can be seen from the relations (8) and (9), and the definitions
of σ0 and s dz e0 already take into account relativistic thermal
effects.

Up to this point, we have discussed general features of the
particle spectrum generated as a by-product of the plasma
turbulence. We have found that despite some differences
between 2D and 3D settings, the produced particle spectrum
does not depend on the dimensionality of the simulation
domain (see also Comisso & Sironi 2018). In both cases, the
high-energy power-law range extends from (about) the thermal
peak to a maximum energy set by the energy-containing scale
of turbulence. These common features, combined with the fact
that the slope of the power law is also similar, yield a similar
percentage of particles in the power-law tail. In the next
sections, we will shed light on the particle acceleration
mechanisms that produce the nonthermal particle spectrum.

4. Particle Injection and Fast Reconnection

In this section, we investigate the physics behind the initial
rapid acceleration of particles from low energies (g g~mc mcth

2 2)
to energies well above the thermal peak (γmc2?γthmc

2),
which is usually referred to as the injection mechanism. The
investigation of the injection mechanism will not be limited to this
section, but it will be pursued also in parts of Sections 5 and 6.
Here, specifically, as a continuation of our earlier analysis
(Comisso & Sironi 2018), we want to examine the spatial
locations where the injection process occurs and understand what
is special about these locations. To this aim, we have tracked
the time evolution of a large subsample of particles that were
randomly selected from our reference PIC simulations. Following
in time their trajectory and energy evolution, we can analyze,
for the fraction of particles that experience an injection process,
the physical conditions at the moment of their rapid initial
acceleration phase. Then, we calculate the conditions for having
efficient particle injection by reconnection, which are linked to
the onset of fast magnetic reconnection mediated by the plasmoid
instability. Indeed, despite their small filling fraction, we show
that reconnecting current sheets can inject a large fraction of
particles in a few outer-scale eddy turnover times.

4.1. Particle Injection at Reconnecting Current Sheets

We begin our analysis from the reference 2D case, and then
we extend the analysis to the reference 3D case. For the
injection analysis presented in this section, we employed a
subsample of ∼106 tracked particles for the 2D case and a
subsample of ∼107 tracked particles for the 3D case.
We show in Figure 9(a) the time evolution of the Lorentz

factor for 10 representative particles that eventually populate
the nonthermal tail at ct/l=12 (see particle spectrum in
Figure 5). These particles have a distinct moment in which they
are “extracted” from the thermal pool at γ∼γth and injected to
higher Lorentz factors γ ? γth. To identify this moment, which
we call injection time tinj, we evaluate when the rate of increase
of the particle Lorentz factor (averaged over cΔt/de0=45)
satisfies ˙g gD D t thr, and prior to this time the particle
Lorentz factor was γ�4γth0∼6. We take the threshold
˙ g s g w0.01 th pthr 0 0 0, but we have verified that our identifica-
tion of tinj is nearly the same when varying ġthr around this
value by up to a factor of three (the factor 0.01 is much lower
than the typical collisionless reconnection rate [∼0.1, in units
of the Alfvén speed], which is the appropriate reference scaling
here, as shown in Comisso & Sironi 2018 and below).

Figure 8. Particle spectra ( )g -dN d ln 1 at ct/l=12 for simulations with
fixed σ0=10, δBrms0/B0=1, and L/de0=1640 (with l=L/8), but different
normalized initial temperature { }q = Îk T mc 0.1, 0.3, 1, 3, 10B0 0

2 . The x-
axis has been normalized to the initial thermal Lorentz factor γth0 to facilitate
comparison among the different cases.

Figure 9. Relation between particle injection and electric current density from
the 2D simulation with σ0=10, δBrms0/B0=1, and L/de0=1640. Top
panel: time evolution of the Lorentz factor for 10 representative particles
selected to end up in different energy bins at ct/l=12 (matching the different
colors in the color bar on the right). Bottom panel: pdf’s of ∣ ∣J Jz p z, ,rms
experienced by high-energy particles at their injection time tinj (red circles) and
by all our tracked particles at ct/l=3.5 (blue diamonds). About 95% of the
high-energy particles are injected at locations with ∣ ∣ J J2z p z, ,rms.
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direction, likely due to the relativistic drift-kink instability
(Zenitani & Hoshino 2007, 2008), plays a fundamental role for
the physics of high-energy particle acceleration.5

The 3D instabilities can also change the reconnection rate, as
compared to 2D. Figure 2 illustrates the temporal evolution of the
reconnection rate ηrec≡ vin/vA for both 2D (blue) and 3D (red)
simulations, where vin is the inflow speed and vA; c for
magnetically dominated plasmas. The initial growth of the box-
averaged reconnection rate before ct/L∼ 0.8 is just due to the
increase of the region where reconnection is active (i.e., between
the two reconnection fronts). When the two reconnection fronts
exit the computational domain, the rate becomes quasi-steady.
The reconnection rate in 3D, ηrec∼ 0.075, is slower than in 2D,

ηrec∼ 0.12. In either case, the rate is in reasonable agreement with
analytical expectations (Lyubarsky 2005).
The inflowing particles from the two sides of the layer mix in

the reconnection region, which we shall also call “reconnected
plasma” or “downstream” region. In contrast, the pre-
reconnection flow shall be called “upstream.” To identify the
region of reconnected plasma, we define a “mixing factor 
(e.g., Rowan et al. 2017; Ball et al. 2018; Sironi &
Beloborodov 2020):

( )º - -
n

n
1 2

1
2

, 1top

where ntop is the density of particles that started from y> 0,
while n is the total density. It follows that = 1 represents
the downstream plasma, where particles from the two sides of
the layer are well mixed, whereas = 0 characterizes the
upstream, where no mixing has occurred. We will use the
mixing factor to identify whether a particle is located in the
upstream or downstream region.
Using  as a criterion for separating upstream and down-

stream regions, we study where particles of different energies are
located. Figure 3 shows histograms of the particle Lorentz factor γ
(horizontal axis) and mixing factor  (vertical axis) at time
t= 2.37L/c, for 3D (left) and 2D (right) simulations. Both
histograms suggest that most of the low-energy particles (γ 30)
are located in the downstream region (i.e., near unity). In 2D,
all of the high-energy particles are also located in well-mixed
regions, i.e., in the downstream. In agreement with earlier studies,
high-energy particles in 2D are trapped within plasmoids (Sironi
et al. 2016; Petropoulou & Sironi 2018; Hakobyan et al. 2021). In
contrast, a significant fraction of high-energy particles (γ 30) in
the 3D simulation lie in low-mixing regions, i.e., in the upstream.
As we show below, these are particles that have escaped from
reconnection plasmoids and are now being rapidly accelerated by
the large-scale upstream fields. In the following, we will take a
threshold of = 0.30 (horizontal red dotted line in the left
panel) to separate the downstream region ( > 0) from the
upstream region ( < 0). We expect that our results will not
change significantly as long as0 is near 0.3 (e.g., between 0.25
and 0.35).
In the rest of this section, we first study the particle energy

and momentum spectra in the 3D simulation and identify that

Figure 1. Two snapshots of density from our reference 3D simulation. We show
the density structure at a relatively early time (top, t = 0.47 L/c), when
reconnection fronts are moving outward, and at a later time (bottom,
t = 2.13 L/c), when the system has achieved a steady state. The upstream plasma
flows into the layer along y, while reconnection outflows move along x. The
electric current is along the z-direction, which is invariant in 2D simulations.

Figure 2. A comparison of the reconnection rate between 3D (red) and 2D
(blue) simulations. The reconnection rate is calculated by averaging the plasma
inflow velocity (in units of the speed of light) in the region 0.03L < y < 0.08L.

5 We defer to future work a full characterization of the stochastic nature of the
layer and the properties of the density and magnetic structures generated by 3D
reconnection (Lazarian & Vishniac 1999; Kowal et al. 2009; Takamoto et al.
2015; Werner & Uzdensky 2021), as investigated in 2D by, e.g., Sironi et al.
(2016).
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• Reconnection & Turbulence in magnetized plasma lead to power-law distribution

12Particle Acceleration by Reconnection & Turbulence

high-energy particles preferentially move along the z-direction
(Section 3.1). Then, we track particles and investigate in detail
their acceleration mechanism (Section 3.2). Finally, we
investigate the dependence of our results on the domain size,
in order to show that the acceleration physics should operate
effectively out to larger scales (Section 3.3).

3.1. Particle Spectra

A nonthermal power-law spectrum extending to high
energies is a well-established outcome of relativistic reconnec-
tion (e.g., Sironi & Spitkovsky 2014). Figure 4 shows the
positron momentum spectrum p dN dpz z, where pz= γβz is the
dimensionless 4-velocity along z (βz is the particle z velocity in
units of the speed of light). The spectrum is obtained by
averaging between t= 3.34L/c and 3.56L/c, when the system
is in steady state. The box-integrated spectrum of positrons
with pz> 0 (blue, indicated as pz+,box in the legend) can be
modeled for pz 3 as a power law µ -p dN dp pz z z

1.
The figure compares the momentum spectrum between

positrons with pz> 0 (blue lines, indicated as pz+ in the legend)
and pz< 0 (green lines, indicated as pz− in the legend) and further
distinguishes between spectra integrated in the whole box (solid
lines) and only extracted from the reconnection downstream
( > 0; dashed lines). We find that high-energy positrons
with pz< 0 are mostly located within the downstream region
(compare green solid and dashed lines), i.e., nonthermal positrons
with pz< 0 are trapped in plasmoids, analogous to 2D results (see
Petropoulou & Sironi 2018; Hakobyan et al. 2021).

In contrast, a significant fraction of high-energy positrons with
pz> 0 reside outside the reconnection region (compare blue solid
and dashed lines), and we shall call them “free.” The fraction of free
positrons is an increasing function of momentum, and for pz 100
they are more numerous than the ones located in the reconnection
downstream. The pz+ spectrum of free positrons (dotted blue line)
can be modeled as a hard power law, µ -dN dp pz zfree

1.5. In
Appendix B, we provide an analytical justification of the measured
spectral slope. The cutoff in the spectrum of pz> 0 positrons is
much higher than for pz< 0 positrons, suggesting that free
positrons can be accelerated to much larger energies than trapped
ones, as we indeed demonstrate below.6

The asymmetry between positrons with pz> 0 versus pz< 0 is a
unique feature of our 3D setup. In a corresponding 2D simulation
(see Appendix A), pz+ and pz− spectra are nearly identical, and

nearly all high-energy particles reside within the reconnection
downstream, as already shown by Figure 3 (right panel).
In the inset of Figure 4, we present the box-integrated

positron spectra of kinetic energy (gray) and momentum in
different directions, as indicated in the legend. In contrast to the
pz spectrum, there is no broken symmetry between positive and
negative directions in the px and py spectra. The inset shows
that the peak of the energy spectrum (gray), at γ− 1∼ 3, is
dominated by motions along the x-direction of the reconnection
outflows (compare with the px spectrum; red line). In contrast,
the high-energy cutoff of the positron energy spectrum at
γ∼ 500 is dominated by the pz+ spectrum (blue). Hence, the
most energetic positrons move mostly along the+ z-direction
(conversely, the highest-energy electrons along− z). We also
remark that the py spectrum (orange) reaches rather high
momenta (albeit not as high as the pz+ spectrum). This is
consistent with the trajectories of high-energy positrons that we
illustrate in Section 3.2.

Figure 3. 2D histograms of the particle Lorentz factor γ and the mixing factor (interpolated to the nearest cell) at time t = 2.37L/c, for 3D (left) and 2D (right). The
red dashed line in the left panel marks the threshold = 0.30 that we employ to distinguish upstream ( < 0) from downstream ( > 0).

Figure 4. Momentum spectrum p dN dpz z of positrons, where pz = γβz is the
dimensionless 4-velocity along the z-direction. We show spectra of positrons
with pz > 0 (blue, indicated as pz+ in the legend) and pz < 0 (green, indicated
as pz− in the legend). Spectra from the overall box are shown as solid lines
(indicated with subscript “box” in the legend), whereas the dashed lines refer
only to positrons belonging to the downstream region, as defined by the mixing
condition > 0 (indicated with subscript “rr” in the legend). The spectrum
of high-energy “free” positrons residing in the upstream region (with

< 0), which preferentially have pz > 0, is indicated by the dotted blue
line. The dotted black line shows a power law -pz

1. In the inset, we present the
box-integrated positron spectra of kinetic energy (gray) and momenta in
different directions, as indicated in the legend. All spectra in the main plot and
in the inset are time averaged between t = 3.34L/c and 3.56L/c and
normalized to the total number of positrons in the box.

6 The electron spectrum shows the opposite asymmetry: electrons with pz > 0
mostly reside in plasmoids, and their spectrum extends to lower momenta than
for free electrons with pz < 0.
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Note also that in the 3D case the magnetic energy decays faster
than in the 2D case (compare insets of Figures 3 and 4). We will
show that this leads to a reduced particle acceleration rate at late
times.

3.2. Particle Spectrum

The most interesting outcome of the turbulent cascade is the
generation of a large population of nonthermal particles. This is
shown in Figure 5 (for the 2D setup), where the time evolution
of the particle energy spectrum ( )g -dN d ln 1 is presented
(g - = E mc1 k

2 is the normalized particle kinetic energy).
As a result of turbulent field dissipation, the spectrum shifts to
energies much larger than the initial Maxwellian, which is

shown by the blue line peaking at g g- ~ -1 1 0.6th0 . At
late times, when most of the turbulent energy has decayed, the
spectrum stops evolving (orange and red lines): it peaks at
γ−1∼5 and extends well beyond the peak into a nonthermal
tail of ultrarelativistic particles that can be described by a power
law

⎛
⎝⎜

⎞
⎠⎟ ( )

g
g
g

g g g=
-
-

< <
-

dN
d

N
1
1

, for , 7
st

p

st c0

and a sharp cutoff for γ�γc. Here N0 is the normalization of
the power law and p is the power-law index, which is about 2.8
for the simulation results presented in the main panel of
Figure 5 (note that in our figures we plot dN/dln(γ−1) to

Figure 2. 3D plots of different fluid structures in fully developed 3D turbulence (at ct/l=2.7) with σ0=10, δBrms0/B0=1, and L/de0=820 (with l=L/4). The
displayed quantities are (from left to right, top to bottom) the fluctuation magnetic energy density in units of B0

2/8π, the current density Jz along the mean magnetic
field in units of en0c, the bulk dimensionless four-velocity Γβ, and the particle density ratio n/n0. Note that the color bars for Γβ and n/n0 are in logarithmic scale. An
animation showing the current density Jz in different x-y slices can be found at https://doi.org/10.7916/d8-prt9-kn88.
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See also SSK+ 2019; Sun & Bai 2021 for MHD + test particle simulations

• PIC for reconnection



• Steady-state & one-zone approximation 
• Proton-electron plasma 
• Thermal & non-thermal components 
• Transport equation for non-thermal components: 

 

• Reconnection/turbulence produce power-law distribution: 
 

• Normalization for non-thermal electrons 

 

• Synchrotron dominates over the other cooling processes

−
d

dEi (
EiNEi

tcool ) = ·NEi,inj −
NEi

tesc
,

·NEi,inj ≈ ·N0(Ei/Ei,cut)−sinjexp(−Ei/Ei,cut)

∫ Ei
·NEi,injdEi = fiϵNT

·Mc2

MAD model
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SSK & Toma 2020; Kuze, SSK+ 2022
SSK, Sudoh, Kashiyama, Kawanaka 2021
SSK, Kashiyama, Hotokezaka 2021 >>>
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Schematic picture of our scenario
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molecular clouds, and these CRs can provide a significant
contribution to the CRs observed on Earth. Throughout the
Letter, we use notation of QX = Q/10X in cgs units unless
otherwise noted.

2. Accretion Flows onto IBHs in Molecular Clouds

We consider a stellar-mass IBH wandering in a molecular
cloud. The IBH captures the ambient gas with the Bondi–
Hoyle–Lyttleton rate, but a fraction of the accreting gas would
not reach the vicinity of the IBHs because of mass loss or
convective motion (R. D. Blandford & M. C. Begelman 1999;
E. Quataert & A. Gruzinov 2000). We introduce a parameter,
λw, to take into account the reduction of mass accretion rate.
The value of λw is under debate; It would also depend on
efficiencies of kinetic/radiation feedback (e.g., K. Sugimura
et al. 2017; E. Ogata et al. 2024). We here use λw = 0.1 as a
reference value, which is consistent with recent general
relativistic magnetohydrodynamic (GRMHD) simulations
(A. Galishnikova et al. 2024; Y. Kim & E. R. Most 2024).
Then, we estimate the mass accretion rate onto IBH as




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where G is the gravitational constant, M is the IBH mass,
mp is the proton mass, Vk is the relative velocity between the
IBH and the molecular gas, and μMC = 2.3, nMC, and
Cs,eff ∼ 106 cm s−1 are the mean molecular weight, number
density, and the effective sound speed including turbulence
velocity dispersion in the molecular gas, respectively, with

= +V C Vs keff ,eff
2 2 , and M1 = M•/10Me. This value is much

lower than the Eddington accretion rate. The Eddington ratio is

estimated to be
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With such a low Eddington ratio, we expect formation of hot
accretion flows (F. Yuan & R. Narayan 2014), which carries a
magnetic flux in the ISM efficiently owing to the rapid
advection. This causes accumulation of magnetic flux onto the
IBH (X. Cao 2011; S. S. Kimura et al. 2021b; P. Dhang et al.
2023). Based on GRMHD simulations, the magnetic flux
threading a BH has a saturation value, and an MAD is formed
if the magnetic flux threading a BH reaches this value
(A. Tchekhovskoy et al. 2011; J. C. McKinney et al. 2012).
Since the magnetic flux within the Bondi radius is much higher
than the saturation flux in a typical ISM environment (K. Ioka
et al. 2017), we expect the formation of an MAD around the
IBH. Also, recent GRMHD simulations revealed that a hot
accretion flow can reach the MAD state even without the initial
net poloidal magnetic field (M. Liska et al. 2020), which also
supports the formation of an MAD.
The Eddington ratio of MADs around IBHs in molecular

clouds is comparable to those for quiescent X-ray binaries.
S. S. Kimura et al. (2021b) constructed a multiwavelength
emission model considering MADs in quiescent X-ray binaries.
This model successfully explains the optical and X-ray data.
Assuming that the plasma state of MADs around IBHs is
similar to that in quiescent X-ray binaries, we use the same
plasma parameters as those in S. S. Kimura et al. (2021b).
Based on the parameterization, 15% of the released energy is
dissipated, = L Mcdis diss

2 with òdiss = 0.15. Protons and
electrons would obtain 70% and 30% of the dissipation energy,
so that Lp = (1–fe)Ldiss and Le = feLdiss with fe = 0.3.
Nonthermal particles would obtain 1/3 of the dissipation
energy, LCR = òNTLp with òNT = 0.33, which leads to a CR

Figure 1. A schematic picture of our scenario. An IBH in a molecular cloud accretes the surrounding gas, forming an MAD. Protons are accelerated in the MAD, and
high-energy protons can escape from the MAD. Some of these protons interact with the ambient gas, emitting TeV–PeV gamma rays that can explain LHAASO dark
sources. The majority of the protons escape from the molecular cloud, contributing to the PeV CRs observed on Earth.
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• Typical environment

γ-rays from molecular clouds
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emit such high-energy photons. On the other hand, IBHs with
the optimistic parameter set can emit ∼100 TeV gamma rays,
enabling LHAASO to detect such systems even if they are
located at several times more distant than the nearest molecular
clouds. Because of their rarity, the nearest IBH detectable by
LHAASO could be located at a few kiloparsecs away from the

Earth. In this situation, the angular size of the molecular cloud
is ∼0.1 deg, which is consistent with the size of the dark
sources (<0.18 deg for J0007+5659u) reported by the
LHAASO Collaboration (Z. Cao et al. 2024).
Some of the dark sources, J0206+4302u and J0212+4254u,

are located at high Galactic latitude (b = −17 deg; Z. Cao et al.
2024). Although typical giant molecular clouds are concen-
trated on the Galactic plane, dense gas clouds exist even in
such a high Galactic latitude (e.g., H. Nakanishi &
Y. Sofue 2016; Q.-Z. Yan et al. 2019). Quantitative evaluation
of whether our model can explain these sources is left for
future work.

5. Contribution of IBHs to PeV CRs on Earth

In this section, we estimate the contribution of IBHs in
molecular clouds to PeV CRs observed on Earth. Both IBHs
and molecular clouds should be concentrated on the inner part
of our Galaxy. The distribution of the molecular gas in our
Galaxy is given in H. Nakanishi & Y. Sofue (2016), which is
concentrated within  1–2 kpc from the Galactic center. We
estimate the volume filling factor of molecular gas in the
Galactic center following the method of D. Tsuna et al. (2018),
where the volume filling factor of molecular clouds, ξMC,
depends on galactocentric radius, Rgc. We find that the volume
filling factor in the inner Galaxy is ξMC ; 0.02 for
Rgc  1–2 kpc, which is more than 1 order of magnitude
higher than that of the solar neighborhood (J. Bland-Hawthorn
& R. Reynolds 2000). There should be density distribution
within the molecular gas phase, and the higher-density regions
should have a smaller volume filling factor. We assume
/x µ -d dn nMC MC

2.8 following the previous work (K. Ioka et al.
2017; D. Tsuna et al. 2018).
Next, we describe the IBH distribution in our Galaxy. If the

IBHs are formed by the evolution of the disk stars, the surface
density distribution of IBHs should roughly follow the stellar
distribution in the Galactic disk. The surface density profile of
the disk component is given by the exponential function,

( )/S ~ S -R Rexp dIBH 0 gc , where Rd = 2.15 kpc and Σ0 is the
normalization factor (T. C. Licquia & J. A. Newman 2015).
The total number of IBHs in our Galaxy is normalized by
NIBH,tot = 2π∫dRgcΣIBHRgc. We set NIBH,tot = 6 × 108 (e.g.,
N. S. Abrams & M. Takada 2020), although this value has a
large uncertainty. The total number of IBHs embedded in
molecular clouds is estimated to be NIBH,MC ≈
∫dRgc2πRgcΣIBHξMC(HMC/HIBH), where HMC ∼ 0.075 kpc and
HIBH are the scale heights of the molecular gas and IBHs,
respectively. We assume HIBH = 0.3 kpc, based on numerical
computation for IBH distribution in our Galaxy (D. Tsuna et al.
2018).
The velocity distribution of the IBH population, σv, is

affected by the natal kick distribution. The Galactic distribution
for BH X-ray binaries suggests that a fraction of BHs
experienced a strong natal kick of 100 km s−1, but the
majority of BHs are consistent with a weak natal kick of
Vk ∼ 10–50 km s−1 (S. Repetto et al. 2017; P. Nagarajan &
K. El-Badry 2024). Also, the discovery of an IBH by a
microlensing event also favors a lower value of
Vk < 100 km s−1 (K. C. Sahu et al. 2022; N. Koshimoto
et al. 2024). Here, we assume that the kick velocity of the
formation of IBHs is weak, and the velocity dispersion of the
IBH population is similar to that of the disk stars, i.e.,
σv ∼ 20 km s−1. We assume that the velocity distribution is

Figure 3. Gamma-ray spectra from molecular clouds that host IBHs. Top and
bottom panels are for a typical case in a typical molecular cloud and for an
optimistic case that matches a LHAASO dark source (J0007+5659u),
respectively. Their parameter sets are tabulated in Table 1. The thin gray
dashed lines represent the LHAASO sensitivity (X. Bai et al. 2019). The black
solid and blue dashed curves are our prediction on gamma rays and neutrinos,
respectively. The red line with a pink band and the thin dotted line in the lower
panel are the observed spectra and upper limit given in the first LHAASO
catalog, respectively.

Table 1
Parameter Sets in Our Models

Shared Parameters

 α β λw fCR ηrec ηdiff sinj

10 0.3 0.1 0.1 0.035 10 10 2.0

Model Parameters

Model M• nMC Vk RMC BMC d
(Me) (cm−3) (km s−1) (pc) (μG) (kpc)

Typical 10 100 20 20 10 0.50
J0007 20 1000 20 5.0 30 2.0

Note. See Section 4 for values on RMC and BMC. See Section 5 for values onM•

and Vk.
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emit such high-energy photons. On the other hand, IBHs with
the optimistic parameter set can emit ∼100 TeV gamma rays,
enabling LHAASO to detect such systems even if they are
located at several times more distant than the nearest molecular
clouds. Because of their rarity, the nearest IBH detectable by
LHAASO could be located at a few kiloparsecs away from the

Earth. In this situation, the angular size of the molecular cloud
is ∼0.1 deg, which is consistent with the size of the dark
sources (<0.18 deg for J0007+5659u) reported by the
LHAASO Collaboration (Z. Cao et al. 2024).
Some of the dark sources, J0206+4302u and J0212+4254u,

are located at high Galactic latitude (b = −17 deg; Z. Cao et al.
2024). Although typical giant molecular clouds are concen-
trated on the Galactic plane, dense gas clouds exist even in
such a high Galactic latitude (e.g., H. Nakanishi &
Y. Sofue 2016; Q.-Z. Yan et al. 2019). Quantitative evaluation
of whether our model can explain these sources is left for
future work.

5. Contribution of IBHs to PeV CRs on Earth

In this section, we estimate the contribution of IBHs in
molecular clouds to PeV CRs observed on Earth. Both IBHs
and molecular clouds should be concentrated on the inner part
of our Galaxy. The distribution of the molecular gas in our
Galaxy is given in H. Nakanishi & Y. Sofue (2016), which is
concentrated within  1–2 kpc from the Galactic center. We
estimate the volume filling factor of molecular gas in the
Galactic center following the method of D. Tsuna et al. (2018),
where the volume filling factor of molecular clouds, ξMC,
depends on galactocentric radius, Rgc. We find that the volume
filling factor in the inner Galaxy is ξMC ; 0.02 for
Rgc  1–2 kpc, which is more than 1 order of magnitude
higher than that of the solar neighborhood (J. Bland-Hawthorn
& R. Reynolds 2000). There should be density distribution
within the molecular gas phase, and the higher-density regions
should have a smaller volume filling factor. We assume
/x µ -d dn nMC MC

2.8 following the previous work (K. Ioka et al.
2017; D. Tsuna et al. 2018).
Next, we describe the IBH distribution in our Galaxy. If the

IBHs are formed by the evolution of the disk stars, the surface
density distribution of IBHs should roughly follow the stellar
distribution in the Galactic disk. The surface density profile of
the disk component is given by the exponential function,

( )/S ~ S -R Rexp dIBH 0 gc , where Rd = 2.15 kpc and Σ0 is the
normalization factor (T. C. Licquia & J. A. Newman 2015).
The total number of IBHs in our Galaxy is normalized by
NIBH,tot = 2π∫dRgcΣIBHRgc. We set NIBH,tot = 6 × 108 (e.g.,
N. S. Abrams & M. Takada 2020), although this value has a
large uncertainty. The total number of IBHs embedded in
molecular clouds is estimated to be NIBH,MC ≈
∫dRgc2πRgcΣIBHξMC(HMC/HIBH), where HMC ∼ 0.075 kpc and
HIBH are the scale heights of the molecular gas and IBHs,
respectively. We assume HIBH = 0.3 kpc, based on numerical
computation for IBH distribution in our Galaxy (D. Tsuna et al.
2018).
The velocity distribution of the IBH population, σv, is

affected by the natal kick distribution. The Galactic distribution
for BH X-ray binaries suggests that a fraction of BHs
experienced a strong natal kick of 100 km s−1, but the
majority of BHs are consistent with a weak natal kick of
Vk ∼ 10–50 km s−1 (S. Repetto et al. 2017; P. Nagarajan &
K. El-Badry 2024). Also, the discovery of an IBH by a
microlensing event also favors a lower value of
Vk < 100 km s−1 (K. C. Sahu et al. 2022; N. Koshimoto
et al. 2024). Here, we assume that the kick velocity of the
formation of IBHs is weak, and the velocity dispersion of the
IBH population is similar to that of the disk stars, i.e.,
σv ∼ 20 km s−1. We assume that the velocity distribution is

Figure 3. Gamma-ray spectra from molecular clouds that host IBHs. Top and
bottom panels are for a typical case in a typical molecular cloud and for an
optimistic case that matches a LHAASO dark source (J0007+5659u),
respectively. Their parameter sets are tabulated in Table 1. The thin gray
dashed lines represent the LHAASO sensitivity (X. Bai et al. 2019). The black
solid and blue dashed curves are our prediction on gamma rays and neutrinos,
respectively. The red line with a pink band and the thin dotted line in the lower
panel are the observed spectra and upper limit given in the first LHAASO
catalog, respectively.

Table 1
Parameter Sets in Our Models

Shared Parameters

 α β λw fCR ηrec ηdiff sinj

10 0.3 0.1 0.1 0.035 10 10 2.0

Model Parameters

Model M• nMC Vk RMC BMC d
(Me) (cm−3) (km s−1) (pc) (μG) (kpc)

Typical 10 100 20 20 10 0.50
J0007 20 1000 20 5.0 30 2.0

Note. See Section 4 for values on RMC and BMC. See Section 5 for values onM•

and Vk.
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• Optimistic environment

• We cannot detect γ-rays with LHAASO
• We cannot expect neutrino detection  

even with future detectors

• Our scenario can explain LHAASO data
• Future detectors may be able to  

detect neutrinos from “dark” sources

 RMC = 5 pc
nMC = 103 cm−3

 RMC = 20 pc
nMC = 102 cm−3

 d = 2 kpc
M = 20 M⊙

 d = 0.5 kpc
M = 10 M⊙

SSK, Tomida, Kobayashi, Kin, Zhang 2025



•  IBHs in our galaxy 

•  IBHs in molecular clouds 

• IBHs in molecular clouds 
can accelerate CRs up to PeV 

• Protons accelerated in MADs 
will escape to ISM 

• They can be source of PeV CRs

∼ 108

∼ 105

IBHs in Molecular Clouds as PeVatrons
16

given by a Gaussian with σv, and the mean velocity of IBHs is
/p s ~ -2 25 km sv

1. As for the mass distribution of IBHs, we
use the mass distribution obtained by gravitational wave
observations, which can be approximated as / µ -dN dM M• •

3.5

within the range of 10Me  M•  50Me (R. Abbott et al.
2023).8

We use the leaky-box approximation to estimate the CR
intensity on Earth. Using the distributions of parameters
(dN/dM•, dN/dVk, dξ/dnMC), the CR injection rate from IBHs
to ISM is estimated as
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where we normalize the distribution by ∫dM•dN/dM• = 1,
∫dVkdN/dVk = 1, and ∫dnMCdξ/dnMC = 1. Here, we assume
that dN/dM•, dN/dVk, and dξ/dnMC are independent of Rgc for
simplicity. The confinement timescale of the CR protons in our
Galaxy is estimated by using the grammage, Xesc, which
indicates the amount of matter in the CR path length from the
source to the Earth. Based on recent experiments, the
grammage is estimated to be  ( )/ d-X E2.0 250 GeVpesc ,
where δ = 0.46 for Ep < 250 GeV and δ = 0.33 for
Ep > 250 GeV (O. Adriani et al. 2014; M. Aguilar et al. 2016).
Balancing the injection from IBHs and escape from the ISM,
the CR proton intensity on Earth is estimated as (e.g.,
S. S. Kimura et al. 2018; K. Murase & M. Fukugita 2019)

( )
p

F »E
E Q X

M4
, 13p p

p E2 esc

gas

p

where Mgas ; 8 × 109Me is the total gas mass in our Galaxy
(H. Nakanishi & Y. Sofue 2016).

The resulting CR proton spectrum is shown in Figure 4. We
find that IBHs in molecular clouds could provide a significant

contribution to the PeV CRs observed on Earth. Typical IBHs
in typical density molecular clouds can accelerate CRs up to
1 PeV. On the other hand, IBHs with high M•, low Vk, and
high nMC can accelerate CRs up to 1–10 PeV (see
Equation (7)), which enables IBHs in molecular clouds to
contribute to the superknee CR component.
Although our scenario can explain the PeV CR data with a

reasonable parameter set, it contains uncertain parameters, such
as the total number of IBHs, NIBH,tot, the reduction factor of the
accretion rate, λw, and the velocity dispersion of the IBH, σv.
We calculate the CR intensities with various sets of parameters,
which are shown in Figure 4. The CR intensities at PeV
energies are higher for higher λw and lower σv. The intensity is
also proportional to NIBH,tot. These parameters could be
constrained by future observations or simulations. Especially,
NIBH,tot and σv will be obtained by wide and deep optical
surveys, such as LSST and Roman, because these surveys
would be able to identify multiple IBHs by microlensing events
(e.g., R. A. Street et al. 2018).
The discrepancy between KASCADE and IceTop likely

originates from the uncertainty of the hadronic interaction
models. The recent LHAASO result indicates that the mass
composition around the knee energy is dominated by light
elements (Z. Cao et al. 2024), which is consistent with the
IceTop result. Our reference model predicts that the proton
contribution is 30% of the observed knee energies of 4 PeV. If
we use slightly higher λw or lower σv, our model prediction
would be consistent with the LHAASO and IceTop results.

6. Summary and Discussion

We propose that IBHs in molecular clouds can be the origin
of LHAASO dark sources and PeV CRs observed on Earth.
IBHs accrete gas in molecular clouds, which leads to the
formation of MADs around IBHs. In the MADs, CR protons
can be accelerated up to PeV energies via magnetic reconnec-
tion in the vicinity of IBHs. Then, these PeV CRs escape from
the MADs and propagate in the ambient molecular clouds,
which leads to gamma-ray emission from the clouds via
hadronuclear interactions. These gamma-ray signals can
explain LHAASO dark sources, from which we observe
100 TeV photons without GeV–TeV gamma-ray counterparts.
The vast majority of the PeV CRs escape from the molecular
clouds and are injected into the ISM in our Galaxy. These PeV
CRs can provide a significant contribution to the PeV CR
intensity observed on Earth with a reasonable parameter set.
Based on our scenario, the dark sources detected by

LHAASO should be associated with dense clouds. Obvious
associations are currently not reported (but see C. Xie et al.
2024 for a tentative association with a small, nearby molecular
cloud around J0007+5659u), despite radio Galactic plane
surveys having been already conducted (e.g., T. M. Dame et al.
2001; T. Umemoto et al. 2017). The LHAASO angular
resolution is larger than the typical field of view of radio
telescopes, and our scenario demands relatively distant and
denser gas associated with the dark LHAASO sources, both of
which make the identification of dense gas clouds challenging.
Improvements for angular resolution of LHAASO and high-
sensitivity radio surveys with high-density tracers are necessary
to identify a dense cloud or rule out the existence of it.
HESS Collaboration et al. (2016) reported the detection of

100 TeV gamma rays from the central molecular zone,
suggesting the existence of PeVatron at the Galactic center.

Figure 4. Comparison of our model prediction to the observed CR intensity on
Earth. The red line represents our prediction. The data points are from
KASCADE (W. D. Apel et al. 2013), IceTop (M. G. Aartsen et al. 2019),
TALE (R. U. Abbasi et al. 2018), Tibet-III (M. Amenomori et al. 2008), and
LHAASO (Z. Cao et al. 2024).

8 Although the mass distribution of merging BHs is not represented by a
power-law form, we use a single power-law mass distribution for simplicity. In
addition, the minimum and maximum masses of the stellar-mass BH
population are not well constrained by the gravitational wave data.
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• Simple test for our scenario: observe direct emission from MADs around IBH

• Extinction [ ,  ] —> Hard X-ray (> keV) is necessary
• Contamination by protostars & background AGN —> challenging to identify IBHs in MC

AV ≃ 10 exp(−τ1 keV) ≃ 0.02

Simple Test: identify IBH using IR & X-rays
17
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• Photon spectra from IBHs: bright in optical & X-rays
• X-ray by eROSITA & Optical by Gaia satellites 

=> possibly able to identify IBHs using the data
• Our proposals for IBH search are accepted by Seimei telescope  

Please stay tuned

Future test of our scenario: identification of IBH
18

4. Strategy to Identify IBHs

First, we roughly estimate the number of IBHs that can be
detected by Gaia or eROSITA. We estimate the detection
horizon, ( ( ) )d L f dmin 4 ,i i i,det ,band ,sen max/ p= , where Li,band
is the luminosity in the energy band for the detector
(330–1050 nm for Gaia; 0.2–2.3 keV for eROSITA), fi,sen is
the sensitivity of the detector (20 mag for Gaia DR5 and
1.1× 10−14 erg s−1 cm−2 for the eROSITA four-year survey),
and dmax is the maximum distance. We set d 2 kpcmax =
because Gaia cannot precisely measure the parallax for faint
sources and the extinction and attenuation may affect the
detectability.

The expected number of detectable IBH candidates can be
estimated to be ⎛⎝ ⎞⎠ ( ) ( )M M

dN
dMdV

d H dmin
4
3

, 2 , 14i idet
IBH

0 ,det
3

ISM ,det
2x

p
p~

where HISM is the scale height of each ISM phase (see Table 1)
and ( )dN dMdVIBH is the number of IBHs per unit mass and
volume. We assume a simple power-law mass spectrum with
spectral index suggested by the gravitational-wave data:
dN dM MIBH µ g- with γ∼ 2.6 (Abbott et al. 2021). We
consider the mass range of IBHs of 3.2Me�M� 50Me. The
mass-integrated number density of IBHs is set to be

( )dN dV dN dMdV dM 10 kpcIBH
5 3ò= = - , which is

roughly consistent with N-body simulations by Tsuna et al.
(2018). The resulting values of det are plotted in the left panel
of Figure 2. We can see that both eROSITA and Gaia will
detect ∼103 IBHs in cold H I medium in a broad mass range.
Several hundreds (around a hundred) of low-mass (M∼ 5Me)

IBHs in warm H I (warm H II) medium can be discovered by
eROSITA, while Gaia can detect only ∼10 (∼1) low-mass
IBHs in warm H I (warm H II) medium. More than 1000 high-
mass IBHs in warm H I can be detected by both Gaia and
eROSITA. We should note that both the mass spectrum and
volumetric density of IBHs are very uncertain. The data by
OGLE microlensing surveys suggest a flatter mass spectrum of
IBHs with γ; 0.92 (Mroz et al. 2021). Also, the Sun is located
in a Local Bubble (Frisch et al. 2011), which may decrease the
detectable number of IBHs within ∼100 pc.
The sensitivity of the ROSAT All-Sky Survey (RASS)

is∼10−13 erg s−1 cm−2 (Boller et al. 2016), which is an order
of magnitude lower than that of eROSITA. RASS should detect
0.01 times less IBH candidates than eROSITA, which should
contain ∼10 low-mass IBH candidates. This number is similar
to that of RASS unidentified sources in the northern sky
(Krautter et al. 1999), and thus, our model is consistent with the
currently available X-ray data.
Next, we discuss a strategy to identify IBH candidates. The

Hertzsprung–Russell (HR) diagram is useful to classify the
objects. Figure 3 exhibits the regions where IBH-MADs occupy
in the HR diagram with our reference parameters. We can see
that low-mass IBH-MADs in the warm media are located at a
fainter and bluer region than the white dwarf (WD) cooling
sequence. Ultra-cool WDs and neutron stars (NS), including
both pulsars and thermally emitting NSs, can be located in the
same region. We can utilize the X-ray feature to distinguish
IBH-MADs from them. Pulsars and thermally emitting NSs have
high values of X-ray to optical luminosity ratio, LX/Lopt? 1
(Bühler & Blandford 2014; Kaplan et al. 2011), while low-mass
IBHs exhibit LX/Lopt∼ 1 as discussed in Section 3. In addition,

Figure 1. Broadband spectra from IBH-MADs. The thick solid, thick dashed, and thick dotted lines are the total, photon spectra by thermal electrons, and photon
spectra by nonthermal electrons. The thin dashed lines are sensitivity curves for ALMA (purple: 30 minute; ALMA Sensitivity Calculator), Gaia (blue; 20 mag; Gaia
Collaboration et al. 2018), eROSITA (magenta; 4 yr survey; Predehl et al. 2021), Chandra (gray; 10 ks; CXO website), FORCE (dark gray; 100 ks; Nakazawa
et al. 2018), and GRAMS (green; 3 yr; Aramaki et al. 2020). ISM phase, black hole mass, and distances are shown in each panel. Other parameters are  10= ,
α = 0.3, β = 0.1, òdis = 0.15, òNT = 0.33, ηacc = 5, and sinj = 1.3.

Figure 2. Expected numbers of IBHs detected by Gaia (thick red) and eROSITA (thin blue) as a function of M (left) and λw (middle and right) in various ISM phases.
The solid, dashed, and dotted lines are for warm H II, warm H I, and cold H I, respectively.
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4. Strategy to Identify IBHs

First, we roughly estimate the number of IBHs that can be
detected by Gaia or eROSITA. We estimate the detection
horizon, ( ( ) )d L f dmin 4 ,i i i,det ,band ,sen max/ p= , where Li,band
is the luminosity in the energy band for the detector
(330–1050 nm for Gaia; 0.2–2.3 keV for eROSITA), fi,sen is
the sensitivity of the detector (20 mag for Gaia DR5 and
1.1× 10−14 erg s−1 cm−2 for the eROSITA four-year survey),
and dmax is the maximum distance. We set d 2 kpcmax =
because Gaia cannot precisely measure the parallax for faint
sources and the extinction and attenuation may affect the
detectability.

The expected number of detectable IBH candidates can be
estimated to be ⎛⎝ ⎞⎠ ( ) ( )M M
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where HISM is the scale height of each ISM phase (see Table 1)
and ( )dN dMdVIBH is the number of IBHs per unit mass and
volume. We assume a simple power-law mass spectrum with
spectral index suggested by the gravitational-wave data:
dN dM MIBH µ g- with γ∼ 2.6 (Abbott et al. 2021). We
consider the mass range of IBHs of 3.2Me�M� 50Me. The
mass-integrated number density of IBHs is set to be

( )dN dV dN dMdV dM 10 kpcIBH
5 3ò= = - , which is

roughly consistent with N-body simulations by Tsuna et al.
(2018). The resulting values of det are plotted in the left panel
of Figure 2. We can see that both eROSITA and Gaia will
detect ∼103 IBHs in cold H I medium in a broad mass range.
Several hundreds (around a hundred) of low-mass (M∼ 5Me)

IBHs in warm H I (warm H II) medium can be discovered by
eROSITA, while Gaia can detect only ∼10 (∼1) low-mass
IBHs in warm H I (warm H II) medium. More than 1000 high-
mass IBHs in warm H I can be detected by both Gaia and
eROSITA. We should note that both the mass spectrum and
volumetric density of IBHs are very uncertain. The data by
OGLE microlensing surveys suggest a flatter mass spectrum of
IBHs with γ; 0.92 (Mroz et al. 2021). Also, the Sun is located
in a Local Bubble (Frisch et al. 2011), which may decrease the
detectable number of IBHs within ∼100 pc.
The sensitivity of the ROSAT All-Sky Survey (RASS)

is∼10−13 erg s−1 cm−2 (Boller et al. 2016), which is an order
of magnitude lower than that of eROSITA. RASS should detect
0.01 times less IBH candidates than eROSITA, which should
contain ∼10 low-mass IBH candidates. This number is similar
to that of RASS unidentified sources in the northern sky
(Krautter et al. 1999), and thus, our model is consistent with the
currently available X-ray data.
Next, we discuss a strategy to identify IBH candidates. The

Hertzsprung–Russell (HR) diagram is useful to classify the
objects. Figure 3 exhibits the regions where IBH-MADs occupy
in the HR diagram with our reference parameters. We can see
that low-mass IBH-MADs in the warm media are located at a
fainter and bluer region than the white dwarf (WD) cooling
sequence. Ultra-cool WDs and neutron stars (NS), including
both pulsars and thermally emitting NSs, can be located in the
same region. We can utilize the X-ray feature to distinguish
IBH-MADs from them. Pulsars and thermally emitting NSs have
high values of X-ray to optical luminosity ratio, LX/Lopt? 1
(Bühler & Blandford 2014; Kaplan et al. 2011), while low-mass
IBHs exhibit LX/Lopt∼ 1 as discussed in Section 3. In addition,

Figure 1. Broadband spectra from IBH-MADs. The thick solid, thick dashed, and thick dotted lines are the total, photon spectra by thermal electrons, and photon
spectra by nonthermal electrons. The thin dashed lines are sensitivity curves for ALMA (purple: 30 minute; ALMA Sensitivity Calculator), Gaia (blue; 20 mag; Gaia
Collaboration et al. 2018), eROSITA (magenta; 4 yr survey; Predehl et al. 2021), Chandra (gray; 10 ks; CXO website), FORCE (dark gray; 100 ks; Nakazawa
et al. 2018), and GRAMS (green; 3 yr; Aramaki et al. 2020). ISM phase, black hole mass, and distances are shown in each panel. Other parameters are  10= ,
α = 0.3, β = 0.1, òdis = 0.15, òNT = 0.33, ηacc = 5, and sinj = 1.3.

Figure 2. Expected numbers of IBHs detected by Gaia (thick red) and eROSITA (thin blue) as a function of M (left) and λw (middle and right) in various ISM phases.
The solid, dashed, and dotted lines are for warm H II, warm H I, and cold H I, respectively.
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emit such high-energy photons. On the other hand, IBHs with
the optimistic parameter set can emit ∼100 TeV gamma rays,
enabling LHAASO to detect such systems even if they are
located at several times more distant than the nearest molecular
clouds. Because of their rarity, the nearest IBH detectable by
LHAASO could be located at a few kiloparsecs away from the

Earth. In this situation, the angular size of the molecular cloud
is ∼0.1 deg, which is consistent with the size of the dark
sources (<0.18 deg for J0007+5659u) reported by the
LHAASO Collaboration (Z. Cao et al. 2024).
Some of the dark sources, J0206+4302u and J0212+4254u,

are located at high Galactic latitude (b = −17 deg; Z. Cao et al.
2024). Although typical giant molecular clouds are concen-
trated on the Galactic plane, dense gas clouds exist even in
such a high Galactic latitude (e.g., H. Nakanishi &
Y. Sofue 2016; Q.-Z. Yan et al. 2019). Quantitative evaluation
of whether our model can explain these sources is left for
future work.

5. Contribution of IBHs to PeV CRs on Earth

In this section, we estimate the contribution of IBHs in
molecular clouds to PeV CRs observed on Earth. Both IBHs
and molecular clouds should be concentrated on the inner part
of our Galaxy. The distribution of the molecular gas in our
Galaxy is given in H. Nakanishi & Y. Sofue (2016), which is
concentrated within  1–2 kpc from the Galactic center. We
estimate the volume filling factor of molecular gas in the
Galactic center following the method of D. Tsuna et al. (2018),
where the volume filling factor of molecular clouds, ξMC,
depends on galactocentric radius, Rgc. We find that the volume
filling factor in the inner Galaxy is ξMC ; 0.02 for
Rgc  1–2 kpc, which is more than 1 order of magnitude
higher than that of the solar neighborhood (J. Bland-Hawthorn
& R. Reynolds 2000). There should be density distribution
within the molecular gas phase, and the higher-density regions
should have a smaller volume filling factor. We assume
/x µ -d dn nMC MC

2.8 following the previous work (K. Ioka et al.
2017; D. Tsuna et al. 2018).
Next, we describe the IBH distribution in our Galaxy. If the

IBHs are formed by the evolution of the disk stars, the surface
density distribution of IBHs should roughly follow the stellar
distribution in the Galactic disk. The surface density profile of
the disk component is given by the exponential function,

( )/S ~ S -R Rexp dIBH 0 gc , where Rd = 2.15 kpc and Σ0 is the
normalization factor (T. C. Licquia & J. A. Newman 2015).
The total number of IBHs in our Galaxy is normalized by
NIBH,tot = 2π∫dRgcΣIBHRgc. We set NIBH,tot = 6 × 108 (e.g.,
N. S. Abrams & M. Takada 2020), although this value has a
large uncertainty. The total number of IBHs embedded in
molecular clouds is estimated to be NIBH,MC ≈
∫dRgc2πRgcΣIBHξMC(HMC/HIBH), where HMC ∼ 0.075 kpc and
HIBH are the scale heights of the molecular gas and IBHs,
respectively. We assume HIBH = 0.3 kpc, based on numerical
computation for IBH distribution in our Galaxy (D. Tsuna et al.
2018).
The velocity distribution of the IBH population, σv, is

affected by the natal kick distribution. The Galactic distribution
for BH X-ray binaries suggests that a fraction of BHs
experienced a strong natal kick of 100 km s−1, but the
majority of BHs are consistent with a weak natal kick of
Vk ∼ 10–50 km s−1 (S. Repetto et al. 2017; P. Nagarajan &
K. El-Badry 2024). Also, the discovery of an IBH by a
microlensing event also favors a lower value of
Vk < 100 km s−1 (K. C. Sahu et al. 2022; N. Koshimoto
et al. 2024). Here, we assume that the kick velocity of the
formation of IBHs is weak, and the velocity dispersion of the
IBH population is similar to that of the disk stars, i.e.,
σv ∼ 20 km s−1. We assume that the velocity distribution is

Figure 3. Gamma-ray spectra from molecular clouds that host IBHs. Top and
bottom panels are for a typical case in a typical molecular cloud and for an
optimistic case that matches a LHAASO dark source (J0007+5659u),
respectively. Their parameter sets are tabulated in Table 1. The thin gray
dashed lines represent the LHAASO sensitivity (X. Bai et al. 2019). The black
solid and blue dashed curves are our prediction on gamma rays and neutrinos,
respectively. The red line with a pink band and the thin dotted line in the lower
panel are the observed spectra and upper limit given in the first LHAASO
catalog, respectively.

Table 1
Parameter Sets in Our Models

Shared Parameters

 α β λw fCR ηrec ηdiff sinj

10 0.3 0.1 0.1 0.035 10 10 2.0

Model Parameters

Model M• nMC Vk RMC BMC d
(Me) (cm−3) (km s−1) (pc) (μG) (kpc)

Typical 10 100 20 20 10 0.50
J0007 20 1000 20 5.0 30 2.0

Note. See Section 4 for values on RMC and BMC. See Section 5 for values onM•

and Vk.
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• Origins of PeV cosmic rays (PeVatrons) are still under debate. 
• Magnetic reconnection & turbulence in MADs can efficiently accelerate non-thermal particles  
• Isolated black holes embedded in molecular clouds can be PeVatrons 

- γ-rays from molecular clouds might be potential origin of “dark” LHAASO sources 
- Isolated black holes can power PeV cosmic rays observed on Earth 

• Multi-wavelength follow-up to LHAASO sources provides robust test to our model

Summary
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given by a Gaussian with σv, and the mean velocity of IBHs is
/p s ~ -2 25 km sv

1. As for the mass distribution of IBHs, we
use the mass distribution obtained by gravitational wave
observations, which can be approximated as / µ -dN dM M• •

3.5

within the range of 10Me  M•  50Me (R. Abbott et al.
2023).8

We use the leaky-box approximation to estimate the CR
intensity on Earth. Using the distributions of parameters
(dN/dM•, dN/dVk, dξ/dnMC), the CR injection rate from IBHs
to ISM is estimated as
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where we normalize the distribution by ∫dM•dN/dM• = 1,
∫dVkdN/dVk = 1, and ∫dnMCdξ/dnMC = 1. Here, we assume
that dN/dM•, dN/dVk, and dξ/dnMC are independent of Rgc for
simplicity. The confinement timescale of the CR protons in our
Galaxy is estimated by using the grammage, Xesc, which
indicates the amount of matter in the CR path length from the
source to the Earth. Based on recent experiments, the
grammage is estimated to be  ( )/ d-X E2.0 250 GeVpesc ,
where δ = 0.46 for Ep < 250 GeV and δ = 0.33 for
Ep > 250 GeV (O. Adriani et al. 2014; M. Aguilar et al. 2016).
Balancing the injection from IBHs and escape from the ISM,
the CR proton intensity on Earth is estimated as (e.g.,
S. S. Kimura et al. 2018; K. Murase & M. Fukugita 2019)

( )
p

F »E
E Q X

M4
, 13p p

p E2 esc

gas

p

where Mgas ; 8 × 109Me is the total gas mass in our Galaxy
(H. Nakanishi & Y. Sofue 2016).

The resulting CR proton spectrum is shown in Figure 4. We
find that IBHs in molecular clouds could provide a significant

contribution to the PeV CRs observed on Earth. Typical IBHs
in typical density molecular clouds can accelerate CRs up to
1 PeV. On the other hand, IBHs with high M•, low Vk, and
high nMC can accelerate CRs up to 1–10 PeV (see
Equation (7)), which enables IBHs in molecular clouds to
contribute to the superknee CR component.
Although our scenario can explain the PeV CR data with a

reasonable parameter set, it contains uncertain parameters, such
as the total number of IBHs, NIBH,tot, the reduction factor of the
accretion rate, λw, and the velocity dispersion of the IBH, σv.
We calculate the CR intensities with various sets of parameters,
which are shown in Figure 4. The CR intensities at PeV
energies are higher for higher λw and lower σv. The intensity is
also proportional to NIBH,tot. These parameters could be
constrained by future observations or simulations. Especially,
NIBH,tot and σv will be obtained by wide and deep optical
surveys, such as LSST and Roman, because these surveys
would be able to identify multiple IBHs by microlensing events
(e.g., R. A. Street et al. 2018).
The discrepancy between KASCADE and IceTop likely

originates from the uncertainty of the hadronic interaction
models. The recent LHAASO result indicates that the mass
composition around the knee energy is dominated by light
elements (Z. Cao et al. 2024), which is consistent with the
IceTop result. Our reference model predicts that the proton
contribution is 30% of the observed knee energies of 4 PeV. If
we use slightly higher λw or lower σv, our model prediction
would be consistent with the LHAASO and IceTop results.

6. Summary and Discussion

We propose that IBHs in molecular clouds can be the origin
of LHAASO dark sources and PeV CRs observed on Earth.
IBHs accrete gas in molecular clouds, which leads to the
formation of MADs around IBHs. In the MADs, CR protons
can be accelerated up to PeV energies via magnetic reconnec-
tion in the vicinity of IBHs. Then, these PeV CRs escape from
the MADs and propagate in the ambient molecular clouds,
which leads to gamma-ray emission from the clouds via
hadronuclear interactions. These gamma-ray signals can
explain LHAASO dark sources, from which we observe
100 TeV photons without GeV–TeV gamma-ray counterparts.
The vast majority of the PeV CRs escape from the molecular
clouds and are injected into the ISM in our Galaxy. These PeV
CRs can provide a significant contribution to the PeV CR
intensity observed on Earth with a reasonable parameter set.
Based on our scenario, the dark sources detected by

LHAASO should be associated with dense clouds. Obvious
associations are currently not reported (but see C. Xie et al.
2024 for a tentative association with a small, nearby molecular
cloud around J0007+5659u), despite radio Galactic plane
surveys having been already conducted (e.g., T. M. Dame et al.
2001; T. Umemoto et al. 2017). The LHAASO angular
resolution is larger than the typical field of view of radio
telescopes, and our scenario demands relatively distant and
denser gas associated with the dark LHAASO sources, both of
which make the identification of dense gas clouds challenging.
Improvements for angular resolution of LHAASO and high-
sensitivity radio surveys with high-density tracers are necessary
to identify a dense cloud or rule out the existence of it.
HESS Collaboration et al. (2016) reported the detection of

100 TeV gamma rays from the central molecular zone,
suggesting the existence of PeVatron at the Galactic center.

Figure 4. Comparison of our model prediction to the observed CR intensity on
Earth. The red line represents our prediction. The data points are from
KASCADE (W. D. Apel et al. 2013), IceTop (M. G. Aartsen et al. 2019),
TALE (R. U. Abbasi et al. 2018), Tibet-III (M. Amenomori et al. 2008), and
LHAASO (Z. Cao et al. 2024).

8 Although the mass distribution of merging BHs is not represented by a
power-law form, we use a single power-law mass distribution for simplicity. In
addition, the minimum and maximum masses of the stellar-mass BH
population are not well constrained by the gravitational wave data.
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molecular clouds, and these CRs can provide a significant
contribution to the CRs observed on Earth. Throughout the
Letter, we use notation of QX = Q/10X in cgs units unless
otherwise noted.

2. Accretion Flows onto IBHs in Molecular Clouds

We consider a stellar-mass IBH wandering in a molecular
cloud. The IBH captures the ambient gas with the Bondi–
Hoyle–Lyttleton rate, but a fraction of the accreting gas would
not reach the vicinity of the IBHs because of mass loss or
convective motion (R. D. Blandford & M. C. Begelman 1999;
E. Quataert & A. Gruzinov 2000). We introduce a parameter,
λw, to take into account the reduction of mass accretion rate.
The value of λw is under debate; It would also depend on
efficiencies of kinetic/radiation feedback (e.g., K. Sugimura
et al. 2017; E. Ogata et al. 2024). We here use λw = 0.1 as a
reference value, which is consistent with recent general
relativistic magnetohydrodynamic (GRMHD) simulations
(A. Galishnikova et al. 2024; Y. Kim & E. R. Most 2024).
Then, we estimate the mass accretion rate onto IBH as
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
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where G is the gravitational constant, M is the IBH mass,
mp is the proton mass, Vk is the relative velocity between the
IBH and the molecular gas, and μMC = 2.3, nMC, and
Cs,eff ∼ 106 cm s−1 are the mean molecular weight, number
density, and the effective sound speed including turbulence
velocity dispersion in the molecular gas, respectively, with

= +V C Vs keff ,eff
2 2 , and M1 = M•/10Me. This value is much

lower than the Eddington accretion rate. The Eddington ratio is

estimated to be
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With such a low Eddington ratio, we expect formation of hot
accretion flows (F. Yuan & R. Narayan 2014), which carries a
magnetic flux in the ISM efficiently owing to the rapid
advection. This causes accumulation of magnetic flux onto the
IBH (X. Cao 2011; S. S. Kimura et al. 2021b; P. Dhang et al.
2023). Based on GRMHD simulations, the magnetic flux
threading a BH has a saturation value, and an MAD is formed
if the magnetic flux threading a BH reaches this value
(A. Tchekhovskoy et al. 2011; J. C. McKinney et al. 2012).
Since the magnetic flux within the Bondi radius is much higher
than the saturation flux in a typical ISM environment (K. Ioka
et al. 2017), we expect the formation of an MAD around the
IBH. Also, recent GRMHD simulations revealed that a hot
accretion flow can reach the MAD state even without the initial
net poloidal magnetic field (M. Liska et al. 2020), which also
supports the formation of an MAD.
The Eddington ratio of MADs around IBHs in molecular

clouds is comparable to those for quiescent X-ray binaries.
S. S. Kimura et al. (2021b) constructed a multiwavelength
emission model considering MADs in quiescent X-ray binaries.
This model successfully explains the optical and X-ray data.
Assuming that the plasma state of MADs around IBHs is
similar to that in quiescent X-ray binaries, we use the same
plasma parameters as those in S. S. Kimura et al. (2021b).
Based on the parameterization, 15% of the released energy is
dissipated, = L Mcdis diss

2 with òdiss = 0.15. Protons and
electrons would obtain 70% and 30% of the dissipation energy,
so that Lp = (1–fe)Ldiss and Le = feLdiss with fe = 0.3.
Nonthermal particles would obtain 1/3 of the dissipation
energy, LCR = òNTLp with òNT = 0.33, which leads to a CR

Figure 1. A schematic picture of our scenario. An IBH in a molecular cloud accretes the surrounding gas, forming an MAD. Protons are accelerated in the MAD, and
high-energy protons can escape from the MAD. Some of these protons interact with the ambient gas, emitting TeV–PeV gamma rays that can explain LHAASO dark
sources. The majority of the protons escape from the molecular cloud, contributing to the PeV CRs observed on Earth.
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